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Outline

• CMB observations and the production of chemical 
elements at the end of the dark ages (resonant 
scattering of CMB on metals and ions)

Basu, Hernandez-Monteagudo, Sunyaev 2004

• Carbon monoxide as CMB foreground

Rhigi, Hernandez-Monteagudo, Sunyaev 2008
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• Damping: blending of photons from different line of sight
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Effect of scattering on CMB temperature

T̄ + ∆T →
(
T̄ + ∆T

)
−

(
T̄ + ∆T

) (
1− e−τ

)
+ T̄

(
1− e−τ

)

→ T̄ + ∆Te−τ

C! = C!e
−2τ

30% suppression for l greater than 40 (thus hard to 
measure absolute normalization of the initial conditions)

(Ignore scale dependance here)

∆T

T
(n̂) = σT

∫ η0

ηion

dη xe(x̂)np(x̂)n̂ · ve(x̂)

• Doppler effects: cancellation along the line of sight due to the variation in n

• Except large scales: l~100

• Reduced if modulation in np : Ostriker-Vishniac effect (kinetic Sunyaev-
Zeldovich)

• Reduced if modulations in xe: Patchy reionization
see Knox & Haiman 99 for a review
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Fig. 1.— Left: Expected signal and errors for the coming PLANCK and ACT CMB experiments (see §6 for precise assumptions). The
Bordeaux wine color refers to PLANCK whereas the cream one refers to ACT. The cosmic variance is computed assuming the primordial
power spectrum only, which is obviously an lower limit. The thick solid line denotes the primordial CMB signal with (up) or without (down)
the lensing contribution. The thick short-dashed line denotes the ISW effect (low !) and the non-linear RS effect (high !). Note the angular
transition between both. The thick long-dashed line denotes the expected thermal SZ contribution according to (Komatsu & Seljak 2002).
The thick double-dot-dashed line corresponding to the expected kSZ, whereas the dot-dashed line corresponds to a possible component
induced by patchy-reionisation (note that the overall amplitude is rather model-dependent and that we here assume the strongest signal
(Santos et al. 2003)). The thin solid line denotes the sum of all those contributions. Right:Expected signal and error for the coming
CFHTLS, SNAP and LSST experiments (see §6 for precise assumptions). We consider here only shot noise due to intrinsic ellipticities and
cosmic variance, and assume that both dominates over systematics at any scale. We assume for this illustration only that this 3 surveys
measure the same convergence power spectrum. We thus neglect the effects of the different sources populations. From darker to lighter,
the 3 depicted error boxes correspond to CFHTLS, SNAP and LSST.

power spectra and sketches their cross-correlation. The
calculations in this section are complicated by the fact
that the three dimensional fields whose power spectra
and bispectra we desire are highly nonlinear. Special
attention is paid to the approximations and analytical
techniques used to calculate these nonlinear power spec-
tra.

2.1. Angular Power Spectra in the Flat Sky
Approximation

We will be interested in the angular power spectra of
fields on the sky X(n̂) which are weighted line-of-sight
projections of three dimensional fields which we denote
δX ,

X(n̂) = fX "
(

∫

dη WX(η)δX(ηn̂, η)
)

(1)

where WX(η) is the weight function for the field X and
fX is a real space isotropic filter with which we convolve
this field. We define the conformal “look back” time as
η = τ0−τ , which can also be interpreted as the comoving
distance. Here τ is the conformal time dτ = (1/a), τ0,
which can also be interpreted as the comoving distance
from the observer. Here and throughout we set c = 1

For small sections of the sky or high multipole mo-
ments, it is a good approximation to treat the sky as flat.
In this flat-sky approximation, the Fourier moments of
this field on the sky are

X̃(!) =

∫

d2n X(n̂)e−i!·n̂ (2)

Combining with eq. (1) gives

X̃(!) = fX(%)

∫

dη

η2
WX(η)

∫

dkz

2π
δ̃(k⊥ = !/η, kz)e

ikzη,

(3)
where fX(%) is the Fourier transform of fX .

As in the all sky case, the cross correlation (or auto
power spectrum) for any two fields, X and Z is defined
by

〈X̃∗(!)Z̃(!)〉 = (2π)2δD(! + !
′)CXZ(%), (4)

and similarly the power spectrum between two three di-
mensional fields δX and δZ is

〈δ̃X(k, η)δ̃Z(k, η)〉 = (2π)3δD(k + k′)PXZ(k, η), (5)

Where δD is the Dirac delta function.
For the relationship between these flat-sky Fourier

modes and the spherical harmonic coefficients X"m and
a proof of the correspondence between the angular power
spectrum CXZ

" and CXZ(%), see e.g. White et al. (1999)
or Appendix C of Hu (2000).

Combining eqs. (3), (4), and (5), the correlation be-
tween X and Z is

〈X̃∗(!)Z̃(!′)〉=(2π)2fX(%)fZ(%)

∫

dη
WX(η)

η2

×

∫

dη′W
Z(η′)

η′2

∫

dkz

2π
eikz(η−η′)

δD(!/η + !
′/η′)PXZ(

√

(!/η)2 + k2
z),(6)

Provided that the window functions W (η) are slowly
varying, k % ẆX/WX , we can work in the Limber ap-
proximation (Kaiser 1992), allowing us to neglect radial
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CMB polarization primer

• Linear polarization of the CMB is:

• Produced by Thomson scattering of a quadrupolar 
radiation pattern on free electrons: probes both 
recombination and reionization

• Partially correlated with temperature (velocity pert. 
correlates with density pert.)

• Expected signal is an excess power in polarization at the scale 
of the horizon at the time of reionization (Zaldarriaga 97)

5

(from W. Hu) 
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Fig. 5.— The WMAP 5-year TE power spectrum. The green curve is the best-fit theory spectrum

from the ΛCDM/WMAP Markov chain (Dunkley et al. 2008). For the TE component of the fit,

χ2 = 415, and there are 427 multipoles and 6 parameters; thus the number of degrees of freedom

is ν = 421, leading to χ2/ν = 0.99. The particle horizon size at decoupling corresponds to l ≈ 100.

The clear anticorrelation between the primordial plasma density (corresponding approximately to

T) and velocity (corresponding approximately to E) in causally disconnected regions of the sky

indicates that the primordial perturbations must have been on a superhorizon scale. Note that the

vertical axis is (# + 1)C!/(2π), and not #(# + 1)C!/(2π).

– 25 –

Fig. 9.— WMAP 5-year EE power spectrum at low-!. The error bars are the 68% CL of the

conditional likelihood of each multipole, with the other multipoles fixed at their fiducial theory

values; the diamonds mark the peak of the conditional likelihood distribution. The error bars

include noise and cosmic variance; the point at ! = 7 is the 95% CL upper limit. The pink curve

is the fiducial best-fit ΛCDM model (Dunkley et al. 2008).

Nolta et al. 08
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Resonant scattering and the CMB

• Resonant scattering of atoms and ions, either an 
atomic or a rotational/vibrational transition

• Origins of heavy elements in the IGM: massive stars, 
SNe explosions, stellar and galactic winds, etc. 

• Scattering phenomenology identical, but optical 
depth become frequency dependent

τ = τT +
∑

i τXi

6

τXi
= fi

πe2

mec
λinXi (z)

H(z)

δC! = −2τXC!
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Motivations and approximations

• Scientific goals:

• Trace the metal enrichment as a function of z

• Details of reionization

• Missing baryons

• Homogeneous low density, no perturbations

• Resonant scattering
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Elements studied

• Fine structure transitions for atoms and ions

• Neutral atoms or singly/doubly ionized heavy elements

8
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Table 1. Minimum abundance of the most important atoms and ions that can be detected from Planck HFI. We have used a fixed value of
abundance (1% solar) to obtain the optical depth in the fine-structure transitions of any given species, and because of the very low values of
optical depths, have used the linear relation from Eq. (16) to obtain the minimum detectable abundance for the sensitivity limit of Planck HFI.
The B factor is the correction term obtained from Eq. (6). In the last column we have further improved the sensitivity by averaging the
instrument noise in the multipole range l = 10−20. The 100 GHz channel has been used as reference for all the cases. We present central
redshift for corresponding channel, however, in reality HFI will be able to give limits only for redshift intervals corresponding to the widths of
the frequency channels.

Atom/ Wavelength Oscillator HFI freq. Scattering B Opt. depth for [X]min for 〈[X]min〉 in

Ion (in µ) strength (GHz) redshift factor 10−2 solar abundance l = 10 l = 10−20

C I 609.70 1.33 × 10−9 143 2.4 0.76 6.4 × 10−6 5.3 × 10−3 2.6 × 10−3

217 1.3 0.92 3.9 × 10−6 1.4 × 10−2 6.8 × 10−3

353 0.4 0.99 1.6 × 10−6 2.1 × 10−1 1.2 × 10−1

370.37 9.08 × 10−10 143 4.7 0.15 1.2 × 10−6 2.8 × 10−2 1.3 × 10−2

217 2.8 0.09 3.7 × 10−7 1.6 × 10−1 8.1 × 10−2

C II 157.74 1.71 × 10−9 143 12.3 0.79 1.8 × 10−5 2.7 × 10−2 6.2 × 10−3

217 7.9 0.94 1.1 × 10−5 7.7 × 10−3 3.0 × 10−3

353 4.4 0.99 5.6 × 10−6 7.7 × 10−2 3.6 × 10−2

N II 205.30 3.92 × 10−9 143 9.2 0.76 1.1 × 10−5 7.6 × 10−3 2.6 × 10−3

217 5.8 0.92 6.8 × 10−6 8.6 × 10−3 3.8 × 10−3

353 3.1 0.99 3.5 × 10−6 1.3 × 10−1 6.8 × 10−2

121.80 2.74 × 10−9 143 16.2 0.16 2.1 × 10−6 1.3 × 10−1 3.8 × 10−2

217 10.5 0.09 6.4 × 10−7 3.4 × 10−1 1.1 × 10−1

N III 57.32 4.72 × 10−9 143 35.6 0.79 2.5 × 10−5 2.3 × 10−3 7.4 × 10−4

217 23.4 0.94 1.5 × 10−5 6.1 × 10−3 2.0 × 10−3

O I 63.18 3.20 × 10−9 143 32.2 0.88 1.0 × 10−4 5.3 × 10−4 1.7 × 10−4

217 21.2 0.96 6.3 × 10−5 2.0 × 10−3 6.4 × 10−4

353 12.5 1.00 3.1 × 10−5 2.2 × 10−1 4.9 × 10−2

O III 88.36 9.16 × 10−9 143 22.8 0.76 2.2 × 10−4 3.5 × 10−4 1.2 × 10−4

217 14.8 0.92 1.4 × 10−4 8.4 × 10−3 1.8 × 10−3

353 8.6 0.99 7.4 × 10−5 1.2 × 10−2 4.4 × 10−3

51.81 6.55 × 10−9 143 39.5 0.17 4.5 × 10−5 1.4 × 10−3 4.7 × 10−4

217 26.0 0.10 1.4 × 10−5 6.5 × 10−3 2.2 × 10−3

Si I 129.68 6.24 × 10−9 143 15.2 0.76 6.4 × 10−6 6.9 × 10−2 1.8 × 10−2

217 9.8 0.92 4.2 × 10−6 3.7 × 10−2 1.2 × 10−2

68.47 4.92 × 10−9 143 29.7 0.19 1.8 × 10−6 3.1 × 10−2 1.0 × 10−2

Si II 34.81 7.74 × 10−9 217 39.2 0.94 2.0 × 10−5 4.8 × 10−3 1.6 × 10−3

353 23.4 0.99 1.0 × 10−5 7.4 × 10−3 2.4 × 10−2

S I 25.25 8.03 × 10−9 217 54.4 0.96 6.0 × 10−6 2.4 × 10−2 7.4 × 10−3

Fe I 24.04 1.69 × 10−8 143 86.4 0.83 3.2 × 10−5 4.9 × 10−3 1.3 × 10−3

217 57.2 0.95 2.0 × 10−5 7.7 × 10−3 2.3 × 10−3

353 34.4 0.99 9.7 × 10−6 7.5 × 10−2 2.5 × 10−2

34.71 2.06 × 10−8 143 59.5 0.02 9.2 × 10−7 1.1 × 10−1 3.4 × 10−2

Fe II 25.99 1.73 × 10−8 217 52.9 0.95 1.9 × 10−5 7.1 × 10−3 2.2 × 10−3

353 31.7 0.99 1.3 × 10−7 7.4 × 10−2 2.4 × 10−2

Fe III 22.93 3.09 × 10−8 353 36.1 0.99 1.8 × 10−5 4.2 × 10−2 1.4 × 10−2

depth, and hence the minimum abundance (last two columns,
with respect to solar value) from the sensitivity level of the de-
tector (at 3σ level). We have neglected signals below l = 5,
especially at the quadrupole or l = 2 where noise level is mini-
mum, due to the fact that it will be very difficult to observe the

predicted signal at such large angular scales due to the fore-
grounds. The best angular range for Planck HFI is l ∼ 10−30,
and we can average it over a multipole range ∆l and improve
the detectibility by a factor of

√
∆l. This result is shown in the

last column of our table.
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Chemical abundances over time

9
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Fig. 3. Top: a schematic diagram for the abundance history of the universe. a) The upper panel shows the global pattern of metal abundances,
showing the two major epochs of enrichment of the IGM: first, during the peak of activity of massive Pop III stars around redshift 15−25
(shaded area), and second, during the peak of galaxy formation around redshift 3−5 when global rate of star formation reaches maximum.
b) Middle panel shows the relative fraction of three major atomic and ionic species: OI (or HI), CII and OIII, normalized so that the total
abundance of all ions of a given element is close to unity at any redshift. The OI abundance closely follows the neutral hydrogen fraction of the
universe because their almost similar ionization potential (see discussion in text). The redshift scale is chosen as log(z + 5) to emphasize the
redshift region 10−30 of interest to this paper. At very low redshifts (z < 0.7) the IGM gets heated to very high temperatures (T ∼ 105−107 K)
causing even higher ionized species to exist, e.g. OIII→ OVI. c) Lower panel shows another variation of relative ion fraction, where Pop III
stars ionize all the oxygen around redshift 15, so that OIII have higher abundance and correspondingly OI and CII have lower abundance.
Bottom: frequency dependence of optical depth in atomic and ionic fine-structure lines, in accordance with the abundance history sketched
above. Shown here are the contributions from the four most important lines: neutral oxygen 63µ, doubly ionized oxygen 88 µ, singly ionized
nitrogen 205 µ and singly ionized carbon 158 µ, and their total contribution for each histories. History of NII ion is taken as similar to that
of CII ion.

In Figs. 3b and 3c, we sketch the relative ion fraction of the
three most important atomic and ionic species under above-
mentioned ionization history. We show two different reioniza-
tion scenario: one for relatively cold stars when production of
OIII is less efficient (case I), and the other for hot stars and
quasars which are able to keep oxygen fully ionized at all

intermediate redshifts (case II). Line of OI should give us
an information about creation of oxygen before Universe was
strongly ionised. Relative growth of CII line (see Fig. 3b) will
mark the time when carbon will be ionised in large ionised
regions which do not completely overlap or will be partially
ionised everywhere (we can not dinstinguish this two variants
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Abundances as a function of frequency
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Fig. 3. Top: a schematic diagram for the abundance history of the universe. a) The upper panel shows the global pattern of metal abundances,
showing the two major epochs of enrichment of the IGM: first, during the peak of activity of massive Pop III stars around redshift 15−25
(shaded area), and second, during the peak of galaxy formation around redshift 3−5 when global rate of star formation reaches maximum.
b) Middle panel shows the relative fraction of three major atomic and ionic species: OI (or HI), CII and OIII, normalized so that the total
abundance of all ions of a given element is close to unity at any redshift. The OI abundance closely follows the neutral hydrogen fraction of the
universe because their almost similar ionization potential (see discussion in text). The redshift scale is chosen as log(z + 5) to emphasize the
redshift region 10−30 of interest to this paper. At very low redshifts (z < 0.7) the IGM gets heated to very high temperatures (T ∼ 105−107 K)
causing even higher ionized species to exist, e.g. OIII→ OVI. c) Lower panel shows another variation of relative ion fraction, where Pop III
stars ionize all the oxygen around redshift 15, so that OIII have higher abundance and correspondingly OI and CII have lower abundance.
Bottom: frequency dependence of optical depth in atomic and ionic fine-structure lines, in accordance with the abundance history sketched
above. Shown here are the contributions from the four most important lines: neutral oxygen 63µ, doubly ionized oxygen 88 µ, singly ionized
nitrogen 205 µ and singly ionized carbon 158 µ, and their total contribution for each histories. History of NII ion is taken as similar to that
of CII ion.

In Figs. 3b and 3c, we sketch the relative ion fraction of the
three most important atomic and ionic species under above-
mentioned ionization history. We show two different reioniza-
tion scenario: one for relatively cold stars when production of
OIII is less efficient (case I), and the other for hot stars and
quasars which are able to keep oxygen fully ionized at all

intermediate redshifts (case II). Line of OI should give us
an information about creation of oxygen before Universe was
strongly ionised. Relative growth of CII line (see Fig. 3b) will
mark the time when carbon will be ionised in large ionised
regions which do not completely overlap or will be partially
ionised everywhere (we can not dinstinguish this two variants
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Contribution to Cl

11
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Fig. 4. Frequency dependence of temperature anisotropy generated by scattering from fine-structure lines. We take two ionization histories and
the high abundance case from Fig. 3, and show the contributions of different lines in different frequency range, for a fixed multipole l = 10. Four
different redshift ranges are marked for each species to emphasize the epochs where the dominant contribution from each lines are coming.
The sensitivity limits of Planck HFI channels are marked by the crosses. The HFI limits have been improved by a factor of

√
∆l by averaging

over in the multipole range l = 7−16. The sensitivity limits are for 3 standard deviation detection, and the y-errorbars correspond to 1σ error

in 3σ detection (we recall that σ = 3
√
σ2

Cl(probe) + σ
2
Cl (ref), where the reference channel is fixed at HFI 100 GHz). The x-errorbars corresponds

to the wide bandwidth (∼25%) of Planck HFI channels.
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multipole, l

Fig. 5. Angular dependence of temperature anisotropy generated by
scattering from CII 158 µ fine-structure line. Shown here are three
cases of |δCl| as should be observed from Planck HFI 143 GHz (scat-
tering at z = 12), 217 GHz (scattering at z = 8) and 353 GHz (scat-
tering at z = 4) channels, (using 100 GHz channel as reference) for
10% abundance of CII ions (with respect to solar) at all three red-
shifts. Also shown are the primary anisotropy, Cl, the cosmic variance
limit, and noise level for 217 GHz channel (with respect to 100 GHz)
for comparison.

of ionization history using large angle observations). Potential
of CI ionization (I = 11.26 eV) is lower than that of HI.
Therefore CII fraction might be higher than that of HII and OII
in the beginning of secondary ionization. At the same time OI
fraction should follow that of HI because ionization potentials
are so close (I = 13.62 and 13.60 eV correspondently). Pop
III stars should be very hot, and therefore they are able to ion-
ize helium early enough. Simultaneously OIII should become
abundant ion because ionization potential of OII (I = 35.12 eV)
is higher than that of HeI but smaller then that of HeII.

Figure 4 shows the amplitude of the predicted signal as
a function of observing frequency, for a fixed angular scale
l = 10. The contributions from four most important lines, viz.
CII 158 µ, NII 205 µ, OI 63 µ and OIII 88 µ, are shown, along
with their sum. We also show four different redshift ranges for
each line, which highlights the fact that contributions from CII
and NII are higher because their signal is coming from lower
redshifts where abundance is higher according to our chosen
abundance history. In Fig. 5 we show the angular dependence
of the temperature anisotropy generated by resonant line scat-
tering for the three important HFI channels. The abundance
of CII ion is kept fixed at 10% solar, so that the lower ob-
serving frequency (i.e. higher scattering redshift) has a higher
value of optical depth in the same line. The left-side of each
curve is dominated by Doppler generation of new anisotropy,
and hence are positive. The righ-side is dominated by suppres-
sion of primordial anisotropy and hence δCl-s are negative,
the discontinuity in each curve shows the interval where δCl

changes sign. We see at low multipoles both generation and
suppression term tend to cancel each other. Especially due to
the adoption of WMAP reionization model with high optical
depth (τreio = 0.17) in our computations, lines which scatter
CMB photons at redshifts z ! 18 encounter a high value of
visibility function due to reionization, and therefore causes a
strong Doppler generation (but negative) in the multipole range
l = 20−100. This is the cause for higher amplitude of the sig-
nal at 143 GHz. But at high multipoles l > 100 the contribution
from Doppler generation is negligible, and the signal is simply
proportional to the primordial Cl-s, and the line optical depth,
provided τ $ 1. Hence using data from Table 1, and knowing
the amplitude of primordial CMB signal, one can immediately
predict the amplitude of the effect at small angular scales using
formula (13).
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One example

12
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Fig. 1. The nature of temperature anisotropy that will be marginally
detectable with Planck HFI 143 GHz channel, using 63 µ OI line.
Abundance is taken from the Table 1, as 5.3 × 10−4 solar at red-
shift 32. Here Primary denotes the measured temperature anisotropy
(upper line), Cpri

l + δCl ≈ Cpri
l , and Line denotes the the newly gener-

ated anistropy, |δCl|, arising from line scattering (bottom, with filled
squares). This |δCl| is obtained by taking the difference from the
100 GHz channel, and changes sign around l = 3. The correspond-
ing noise level is denoted by HFI noise. Also shown is the cosmic
variance limit (short-dashed line) for comparison.

2.1. δCl ’s at small angular scales

With respect to the high-l range, we find that the change in-
duced in the power spectrum takes a very simple form:

δCl $ −2 τXi Cl (13)

where Cl is the intrinsic power spectrum. This dependence is
identical to the effect of reionization on the power spectrum
at small angular scales. Indeed, in that scenario, if the opti-
cal depth due to electron scattering during this epoch is given
by τreio, then we have that for l % 1 the intrinsic CMB power
spectrum generated at recombination is suppressed by a fac-
tor 1 − exp(−2τreio), or ≈−2τreio if τreio < 1. So in both (res-
onant and Thompson) scatterings, the shape of the induced
change in the power spectrum is particularly simple and equal
to δCl $ −2τ Cl, for a given optical depth τ and intrinsic power
spectrum Cl. This simplifies considerably the effect of reion-
ization on the δCl’s induced by resonant transitions. Indeed, if
the symbol∆reio denotes the difference of a given quantity eval-
uated in the presence and in the absence of reionization, then
we have that, for high l, ∆reio(Cl) = −2τreio Cl and ∆reio (δCl) =
−2τreio (δCl). This is shown in Fig. 2, where we plot the quan-
tities V ≡

∣∣∣Creio
l /Cl − 1

∣∣∣ and W ≡
∣∣∣
∣∣∣δCreio

l /δCl

∣∣∣ − 1
∣∣∣, that is, the

relative change of Cl and δCl due to the presence of reioniza-
tion. We have taken τreio = 0.17. We see that, for high l, both V
and W approach the limit V $ W $ 2 τreio, i.e., the effect of
reionization is identical in the two cases.

Fig. 2. For two lines placed at different redshifts, (z = 20 in the top,
z = 10 in the bottom), we plot the quantities V (solid lines) and W (dot-
ted lines), defined as V ≡

∣∣∣Creio
l /Cl − 1

∣∣∣ and W ≡
∣∣∣
∣∣∣δCreio

l /δCl

∣∣∣ − 1
∣∣∣,

respectively. In both cases, in the limit of high l, these quantities tend
to 2 τreio, where τreio was taken to be 0.17. In both panels, τXi = 10−3.

2.2. Measuring δCl ’s and abundances

Next we investigate the limits of detectability of the opti-
cal depth of atoms and ions in current and future CMB mis-
sions. Our starting point is the expected uncertainty in the ob-
tained Cl’s from any CMB experiment (Knox 1995):

σ2
Cl
=

2
(2l + 1) fsky

(
Cl + w

−1B−2
l

)2
. (14)

In this equation, Cl is the underlying CMB power spectrum,
fsky is the fraction of the sky covered by the experiment, and w
is the pixel weight given by w−1 = σ2

NΩpix, with σN the noise
amplitude for pixels of solid angleΩpix. Bl is the beam window
function, and we shall approximate it by a Gaussian. We are
assuming that the noise is Gaussian, uniform and uncorrelated.
The first term in parentheses of Eq. (14) reflects the uncertainty
associated to the cosmic variance. In the ideal case of an exper-
iment with no noise, this would be the unavoidable uncertainty
when identifying the observed Cl’s to the Cl’s corresponding to
a particular cosmological model. However, our interest focuses
on the comparison of power spectra measured in different fre-
quency channels with respect to a measured reference power
spectrum, (which is supposed to be free of any contaminating
species of atoms and/or ions). Under the assumption that the
reference power spectrum contains only CMB and noise com-
ponents, we can write the following expression for the uncer-
tainty in the measured power spectrum difference between a
probe channel and the reference channel:

σ2
δCl
=

2
(2l + 1) fsky

[(
δCprob

l + w−1
probB−2

l,prob

)2
+
(
w−1

ref B−2
l,ref

)2]
. (15)

The indexes prob and ref refer to the probe and reference chan-
nel respectively, and the first term δCprob

l refers to the cosmic
variance associated to the temperature anisotropies generated
by the resonant species.

Let us now assume that a CMB experiment is observing
at a frequency for which it is expected to see the effects of a
resonant transition of a species X at redshift 1 + zXi = νXi/νobs.
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Fig. 8. a) Example of optical depth due to a resonant transition which can be detected by the Planck HFI 143 and 100 GHz channels in the
absence of foregrounds. The upper thick solid line gives the reference model CMB power spectrum. Diamonds show the expected difference
in the power spectrum from both channels due to the resonant scattering placed at z = 25 with τ = 1 × 10−5. b) Presence of foreground
contamination after subtracting HFI 100 GHz channel from HFI 143 GHz channel. The referenceΛCDM CMB power spectrum is shown in
thick solid line, whereas the instrumental noise after the map subtraction is shown in solid intermediate-thickness line. All thin lines refer to
the foreground model as quoted as in T00: vibrating dust emission is shown by a dashed line, whereas free-free and synchrotron are given by
a dotted and a solid thin line respectively. tSZ effect associated to filaments and superclusters is given by the triple-dot-dashed line. Rotating
dust gives negligible contribution at these frequencies. Rayleigh scattering introduces some frequency-dependent variations in theCl’s, but well
below the noise level (thick dashed line at the bottom right corner). Diamonds show the amplitude of the change in the CMB power spectra
induced by resonant species placed at z = 25 and τ = 4 × 10−4.

Beginning of the end of 60’s theorists are discussing early
star formation due to isothermal perturbations, making possible
the production of heavy elements at redshifts well above 100.
This makes interesting the lines with much shorter wave-
lengths, like 12.8 µ Ne II line and many others, which might be
contributing to the Planck HFI spectral bands even from red-
shifts ∼100.

5. Effect of foregrounds

Before WMAP, the amplitude and spatial and frequency scaling
of foregrounds had not been firmly established, and its model-
ing was merely in a preliminary phase. After their first mission
year, WMAP’s team have come up with a foreground model
which is claimed to reproduce with a few percent accuracy the
observed foreground emission (Bennett et al. 2003b). This and
other future studies of foregrounds may provide a characteriza-
tion of these contaminants such that their effect on our method
can be minimized. We next proceed to estimate the impact of
these contaminants on our method by the use of current fore-
grounds models.

We have adopted the middle-of-the-road model of Tegmark
et al. 2000 (hereafter T00). This model studies separately the
contribution coming from different components, giving similar
amplitudes for those which are also modelled by the WMAP’s
team, (Bennett et al. 2003b). In this model, we will consider the
contribution of five foreground sources, namely synchrotron ra-
diation, free-free emission, dust emission, tSZ effect (Sunyaev
& Zel’dovich 1972) associated to filaments and superclusters

of galaxies, and Rayleigh scattering. The l-dependence of the
power spectra was approximated by a power law for all fore-
ground components, (except for tSZ, for which the model was
slightly more sophisticated). The frequency dependence ob-
served the physical mechanism behind each contaminant: sim-
ple power laws were adopted for free-free and synchrotron,
whereas a modified black body spectrum was used for dust.
For tSZ, the frequency dependence of temperature anisotropies
is well known in the non-relativistic regime. All details about
this modeling can be found at T00. We are neglecting the con-
tribution from the SZ effect generated in resolved clusters of
galaxies which can be removed from the map. We are also
assuming that all resolved point sources are excised from the
map, and that the contribution from the remaining unresolved
point sources (σps in Eq. (10) of T00) can be lowered down to
roughly the noise level. This may require the presence of an
external point-source catalogue.

Figure 8a shows the expected precision level when fore-
ground contaminations can be neglected, and Fig. 8b shows
the effect of foregrounds in our differential method to de-
tect the presence of resonant species. Together with the power
spectrum of our Standard ΛCDM model, (thick solid line at
the top), we show the contribution from residuals of all fore-
grounds components under consideration, obtained after sub-
tracting the HFI 100 GHz channel power spectra from the
HFI 143 GHz one. The thin solid line corresponds to syn-
chrotron emission, free-free emission is given by the dotted
line; the dashed line gives the contribution of dust through vi-
brational transitions. The tSZ associated to filaments is shown
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Is it going to happen with Planck?

• Foreground model is simplistic:

• We need to know both the spectral dependance and the 
angular scale dependance extremely well

• Beam uncertainties

• Absolute calibration ~0.1%, relative better?

• Band-pass uncertainties
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Some questions

• Valuable probe of metal enrichment at high 
redshift. Could we learn anything else?

• Are there any other showstoppers?

• Cross-correlation can certainly help

15
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Carbon monoxide as CMB foreground

Rhigi, Hernandez-Monteagudo, Sunyaev 2008

16



Olivier Doré KISS Workshop, The First Billion Years

CO emission lines 

• Independent of CMB

• The COs emission lines from early objects at 
0<z<10 is redshifted to 10-115GHz 

17
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CO emission model
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Fig. 1. The distribution of the R = L/Ṁ ratios as a function of the upper rotational quantum number of the CO transitions (the
corresponding frequency is shown in the upper axis in GHz). Three different samples are considered: low-redshift IRAS galax-
ies (blue points), high-redshift sub-millimeter galaxies (red points), and high-redshift radiogalaxies and QSOs (Greve et al. 2005;
Solomon & Vanden Bout 2005,green points). M82 and the Antennae are shown in black. Our Galaxy (Wright et al. 1991; Cox 2000)
is represented with the cyan triangles. See Tables 1 and 2 for details. The black solid line is SED for M82, for which we have data
for the full set of lines. Dashed lines represent the upper and lower limits for R in the sample.

if this is sufficiently massive. In the same way, for the second
halo,

M
2
! =
Ωb

Ωm
ηM2

M1

M/2
. (2)

The total stellar mass produced in this merging episode is then
the sum

M! = M
1
! + M

2
! = 4

Ωb

Ωm
η
M1 · M2

M
. (3)

The parameter η is the star formation efficiency. We take this
to be 5%, in order to match the observations of the cosmic star
formation history (Hopkins & Beacom 2006).

• Characterize the galaxies merger 
distribution using EPS

• Model star forming regions inside 
this merger using lower z data

• 5% star formation efficiency and 
starbust lifetime based on 
simulations

• The star forming regions are 
quickly enriched by even metals 
at high redshift 

• Assume line luminosity scales as 
SFR

• Based on high and low z 
observations
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Fig. 3. The predicted differential source counts for the CO lines at 30, 70, and 100 GHz, for a spectral resolution∆ν/νobs = 10
−3. The

vertical line is the expected sensitivity of ALMA to the line emission, computed for the same spectral resolution and an integration
time of 3 hours.

Fig. 4. The contribution to the cosmic microwave background
radiation (in temperature units) from the different CO lines and
of their sum (black line), compared with the signal from dust
(orange).

anisotropy will increase if the instrument is sensitive to smaller
and smaller scales in the radial direction; i.e., it will scale as
kmax ∼ 1/(∆z) ∼ 1/(∆ν)inst, with z denoting the linear scale along
the radial direction. More generally, if sources are Poisson dis-
tributed, any improvement in the spectral/angular resolution that
makes the experiment sensitive to smaller scales (that are still
larger that the typical source size) will yield an increase in the
measured power.

However, we know that, in the universe, sources tend to be
clustered in regions of Lc ∼ 15-25 h

−1 Mpc (comoving size) that
eventually will become superclusters of galaxies. The distribu-
tion of these regions will introduce more anisotropy, but only on
scales that are actually larger than Lc. If the frequency/angular
resolution of the experiment is at some point able to resolve this

scale, then further improving such resolution will make no dif-
ference. This can be rephrased in Fourier space as follows. If
sources are distributed such that their power spectrum is propor-
tional to that of the underlying density field (Ps(k) ∝ Pm(k)),
then for some large k the contribution of the power spectrum
to the integral of Eq. (6) will be negligible (since for large k
we have that Pm(k) → 0). In this scenario, increasing the spec-
tral resolution will not change the integral over Ps(k). These two
distinct regimes will be addressed in detail below.

After projecting the power spectrum on the sphere, we find
expressions for the Poisson (CP

l
) and correlation (CC

l
) angular

power spectra (see Appendix). We recall that their relation to the
angular correlation function reads as

〈Ĩν(n̂1)Ĩν(n̂2)〉 =
∑

l

2l + 1

4π

(

C
P

l
+CC

l

)

Pl(n̂1 · n̂2), (7)

with Pl(n̂1 · n̂2) the Legendre polynomia of order l. In this ap-
proach the resolution is expressed in terms of a comoving width
∆r probed at a given redshift by a certain ∆ν/νobs. It is straight-
forward to derive the relation

∆r =
∆r

∆z

∆z

∆ν
∆ν =

cH−1
0

E(z)

∆ν

νobs
, (8)

where ∆ν/νobs refers to the observing frequency and E(z) =
[Ωm(1 + z)

3 + ΩΛ]
1/2. From this equation, it is clear that, for

a fixed spectral resolution, the actual comoving width decreases
with increasing redshift, as it is shown in Fig. 2.

5. Results for the CO lines

5.1. Source counts and background intensity

In Fig. 3 we present the differential source counts in the CO
lines, predicted by our model at 30, 70, and 100 GHz, for a
spectral resolution ∆ν/νobs = 10

−3 and using M82 to calibrate
the R ratio. The vertical lines in each plot show the sensitivity
of ALMA to line emission (5σ value, for 3 hours integration.
Tarenghi & Wilson 2005): this value is approximately constant
at these frequencies. The flux in the line is computed as

S ν =

∫

dνobs φinstr
Lν

4πr2(1 + z)
∫

dνobsφinstr
=

∫

dνobs φinstr
Lbolφth,ν

4πr2(1 + z)
=

• 1000 times weaker than uncertainties in CMB T0
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Clustering part of the power spectrum

• Various transitions dominate various frequency range

• Thermodynamic units here

• Emission might be amplified by adjacent CN, HCN, HNC and HCO+
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Fig. 5. The correlation signal for the CO emission lines at the LFI frequencies and for a spectral resolution ∆ν/νobs = 0.2, using
the R ratio from M82. The black line is the primordial signal of the CMB divided by 1000, the orange line is the signal from dusty
merging star-forming galaxies. Other colors identifies the lines as indicated by the labels.

Fig. 6.The change in amplitude of the correlation (solid line) and
Poisson (dashed line) signal for the CO (1-0) line for different
values of the spectral resolution ∆ν/νobs, at 30 GHz. The red
and cyan lines are almost superimposed, meaning that, for these
resolutions, the signal has already reached a constant value. The
Poisson term, on the other hand, grows linearly with decreasing
values of the spectral resolution. The primordial signal (black
solid line) has been divided by 1000.

=
1

4πr2(1 + z)

Lbol

(∆ν)instr
=

L̃ν

4πr2

(

∆ν

νobs

)−1

, (9)

where L̃ν = Lbol/ν, Lbol is the bolometric luminosity of the line
and r the comoving distance. This expression shows the explicit
dependence of the measured flux on the spectral resolution of the
instrument. The amount of sources at a given frequency is also
dependent on the spectral resolution, just because increasing the
value of ∆ν/νobs corresponds to probing larger volumes of the
universe.

Fig. 7. The dependence of the amplitude of the correlation signal
on the spectral resolution of the observing instruments, for the
CO (1-0) line at 30 GHz and for several value of the multipole
index l.

Given the source number counts, we can compute the contri-
bution of each line to the cosmic microwave background temper-
ature (Fig. 4). The total emission of the CO lines is practically
constant with frequency in the very broad 20 − 200 GHz range.
Its value is close to 1 µK, and it is thousand times weaker than
the present day uncertainties in the temperature of monopole ac-
cording to COBE/FIRAS results (Fixsen & Mather 2002). The
first CO line peaks at frequency ∼ 15 − 20 GHz, corresponding
to an emission redshift z # 5 − 7. The dust emission from merg-
ing galaxies contributes two or three times more at frequencies
around 15 − 20 GHz, increasing then to a value of 100 µK at
200 GHz.

At 30 GHz, most of the contribution to the background in the
first CO transition is due to low-flux sources (S ν = 10

−4 − 10−2
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Frequency resolution dependance

• Enhancement of the signal when the spectral resolution corresponds to 
the comoving clustering length

• This introduces a strong spectral resolution dependance
21
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Fig. 5. The correlation signal for the CO emission lines at the LFI frequencies and for a spectral resolution ∆ν/νobs = 0.2, using
the R ratio from M82. The black line is the primordial signal of the CMB divided by 1000, the orange line is the signal from dusty
merging star-forming galaxies. Other colors identifies the lines as indicated by the labels.

Fig. 6.The change in amplitude of the correlation (solid line) and
Poisson (dashed line) signal for the CO (1-0) line for different
values of the spectral resolution ∆ν/νobs, at 30 GHz. The red
and cyan lines are almost superimposed, meaning that, for these
resolutions, the signal has already reached a constant value. The
Poisson term, on the other hand, grows linearly with decreasing
values of the spectral resolution. The primordial signal (black
solid line) has been divided by 1000.

=
1

4πr2(1 + z)

Lbol

(∆ν)instr
=

L̃ν

4πr2

(

∆ν

νobs

)−1

, (9)

where L̃ν = Lbol/ν, Lbol is the bolometric luminosity of the line
and r the comoving distance. This expression shows the explicit
dependence of the measured flux on the spectral resolution of the
instrument. The amount of sources at a given frequency is also
dependent on the spectral resolution, just because increasing the
value of ∆ν/νobs corresponds to probing larger volumes of the
universe.

Fig. 7. The dependence of the amplitude of the correlation signal
on the spectral resolution of the observing instruments, for the
CO (1-0) line at 30 GHz and for several value of the multipole
index l.

Given the source number counts, we can compute the contri-
bution of each line to the cosmic microwave background temper-
ature (Fig. 4). The total emission of the CO lines is practically
constant with frequency in the very broad 20 − 200 GHz range.
Its value is close to 1 µK, and it is thousand times weaker than
the present day uncertainties in the temperature of monopole ac-
cording to COBE/FIRAS results (Fixsen & Mather 2002). The
first CO line peaks at frequency ∼ 15 − 20 GHz, corresponding
to an emission redshift z # 5 − 7. The dust emission from merg-
ing galaxies contributes two or three times more at frequencies
around 15 − 20 GHz, increasing then to a value of 100 µK at
200 GHz.

At 30 GHz, most of the contribution to the background in the
first CO transition is due to low-flux sources (S ν = 10

−4 − 10−2
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Fig. 8. The ratio of the correlation signal from CO emission to
the primordial CMB signal at l = 2000 as a function of frequency
and for a spectral resolution ∆ν/νobs = 10

−3. The black solid
line is the sum of the correlation from the first seven CO lines,
computed by assuming the R ratio for M82. The blue short-
dashed line is obtained with the model based on simple Press-
Schechter distribution. The black long-dashed line is the signal
from CII 158 µm line. The contribution from dust emission in
merging galaxies is shown with the orange line. The gray point
is the Poisson at 33 GHz from radio sources, estimated from the
de Zotti et al. (2005) model, assuming a cutoff of 0.1 mJy. The
frequency dependence of this signal (gray line) has been com-
puted assuming S ν ∝ ν

−α with α = 0.4 (Toffolatti et al. 2005).
The shaded region around the curve for the first CO line repre-
sents the range of uncertainties in the correlation signal, accord-
ing to the different values of R for the sample of objects in Fig. 1
and Tables 1 and 2. The first CO line is especially suitable for
observations of higher redshifts because, at higher frequencies,
we simultaneously observe the contributions from two or three
slices of the universe.

mJy), which cannot be detected directly. But since their contribu-
tion to the correlated angular fluctuations is high, observations of
the Cl’s with different spectral resolution provide us with a pow-
erful tool for studying the properties of the high-redshift pop-
ulation of CO-emitting galaxies and its evolution in time. We
discuss this in the next section.

5.2. Power spectrum of angular fluctuations

In this section we present the angular power spectra arising from
the line emission of CO in the star-forming regions. Such a
power spectrum is the sum of a Poisson term C

P

l
and a corre-

lation term C
C

l
.

The emission lines from carbon monoxide are associated
with the rotational transitions between different states J. Their
emission rest frequencies lie in the range 100−800GHz making
them of particular interest for the low-frequency experiments.
Unfortunately, there are few observations of this molecule in the

sample that we have selected, so we were only able to retrieve
the full data set for M82. We use this object to calibrate the R
ratio in our computations (see Table 1 for details), but we show
also the expected upper and lower limits in the amplitude of the
signal, according to the value presented in Fig. 1. The correlation
terms of the angular power spectrum for each CO line are shown
in Fig. 5 at the three frequencies of PLANCK’s LFI instrument
and for the corresponding spectral resolution ∆ν/νobs = 0.2.
As expected, the signal at low frequencies is dominated by the
lines corresponding to the first two transitions (2− 1 and 1 − 0),
while higher states are important only at higher frequencies. This
might appear paradoxical, since the SED of CO peaks at higher
J. One has to bear in mind, however, that the power spectra
are presented in temperature units and normalized to the CMB
blackbody.

Another interesting aspect is that the emission from the first
two transitions of the CO might be slightly amplified by the con-
tribution from CN, HCN, HNC, and HCO+. These molecules
form in the same environment of CO and has a very similar struc-
ture. Their resonant frequencies are very close (within ∼ 20%)
to the 115 and 230 GHz transitions of CO. Their signal is then
summed to the CO, with a slight shift in frequency and redshift,
which leads to a smoothing effect. The luminosity of such lines
in nearby objects is typically ∼ 10% of the CO lines (Baan et al.
2008).

As we have seen, in the literature there are also several obser-
vations of high-redshift sub-millimeter galaxies. These objects
are thought to be the result of very massive and gas-rich mergers,
with very high star formation rates, on the order of 103 M$/yr.
According to Alexander et al. (2005a,b) around 40% of the sum-
millimeter galaxies (SMG) population hosts an AGN, but these
only contribute to 10-20% of the total energy output in the far-
infrared (Pope et al. 2008). In Table 1 and Table 2 we summarize
the data about CO emission in these objects collected from the
literature. We note that the line luminosity in these objects is ex-
tremely high, even for the higher J transitions, but also given
the high value of the star formation rates, the resulting R does
not change too much. In addition, these very luminous objects
are also very rare and therefore do not contribute significantly to
the correlation term, which is due mainly to the most abundant,
fainter objects.

5.2.1. Dependence on the spectral resolution

As shown in Sec. 4, the spectral resolution of the instrument
is extremely relevant in determining the amplitude of this sig-
nal. This is one of the most interesting results of this work: we
demonstrate analytically (Appendix A) that the amplitude of the
correlation term is expected to grow for lower values of ∆ν/νobs
to some threshold value, beyond which it reaches a convergence
level and stays constant for even lower ∆ν/νobs-s. This can be
easily seen in Fig. 6 for the CO (1-0) line: the amplitude of the
correlation term gains more than one order of magnitude as the
relative spectral width is decreased to 10−3, but shows practically
no change if this value is further reduced to 10−4. On the other
hand, the Poisson term grows linearly with decreasing values
of ∆ν/νobs; therefore, the relative importance of the two terms
changes as a function of the spectral resolution.

We should keep in mind, however, that the actual amplitude
of the Poisson term strongly depends on the ability of the ob-
serving instruments to isolate and remove the bright individual
sources. The bulk of the power in the amplitude of the Poisson
term, in fact, is generated by rare and bright sources. Such
sources can be removed from the maps observing the same re-
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Table 3. Contribution to the amplitude of the correlation and
Poisson terms of the CO (1-0) line from different intervals of
flux. The observing frequency is 30 GHz and the spectral reso-
lution is 10−3.

S ν [mJy] % of CC
l

% of CP
l

S ν < 10
−4 9 0

10−4 ≤ S ν < 10
−3 23 1

10−3 ≤ S ν < 10
−2 30 4

10−2 ≤ S ν < 10
−1 26 25

10−1 ≤ S ν < 1 11 53
S ν > 1 1 17

gionwith high enough angular resolution. This has practically no
effect on the amplitude of the correlation term, which is gener-
ated by the abundant low-flux sources. This is clear fromTable 3,
where we compute the contribution to CC

l
and CP

l
of the CO (1-

0) line at 30 GHz from different flux decades; with a 1-mJy flux
cut-off, one can drastically decrease the Poisson amplitude of
70%, while decreasing the correlation of only 10%.

The amplitude of the correlation term as a function of the
spectral resolution is explored in more detail in Fig. 7 for the
same line. Here we plot the value of the correlation term at dif-
ferent multipoles l (in the range l = 70 − 8000, corresponding to
angular scales θ # 2.5◦ − 1′). The signal grows uniformly and
then reaches a plateau around a value ∆ν/νobs ∼ 10

−3. The po-
sition of this convergence point depends both on the redshift of
the line and on the multipole l. In general larger scales (smaller l)
and higher redshift lines seem to converge earlier, i.e. for higher
value of ∆ν/νobs.

This can be explained as follows. TheCl’s for the correlation
term can be expressed as an integral in the line-of-sight compo-
nent of the Fourier mode (kz) over the halo power spectrum,

CC
l ∝

∫ kz,max

0

dkz

2π
Ph(k⊥, kz) |W(kz)|

2 , (10)

whereW(kz) is the Fourier window function along the radial di-
rection, related to the spectral resolution of the experiment. The
symbol k⊥ represents the Fourier model included in the plane of
the sky, and it is related to the l angular multipole via k⊥ = l/r,
with r the comoving distance to the observed redshift. The win-
dow function W(kz) is such that kz → 0, W(kz) → 1, but for
kz * 2π/Lsr (with Lsr = cH−1∆ν/νinstr the length associated to
the spectral resolution), thenW(kz)→ 0. In practice, the effect of
this window function is therefore to change the upper limit of the
integral in Eq. (10) by ksr ≡ 2π/Lsr. Let us assume that the halo
power spectrum Ph(k) is proportional to the linear matter power
spectrum Pm(k), with k = (k

2
z + k

2
⊥)
1/2. For our choice of l and

observing frequency (or redshift), at kz = 0 the power spectrum
is already being evaluated at k’s comparable to or larger than
∼ 0.01 h−1 Mpc for which it shows its maximum. That means
that, as long as kz << k⊥, Ph(k) # Ph(k⊥) and when kz becomes
comparable to or larger than k⊥, then Ph(k)→ 0, since the power
spectrum drops very fast (∝ k3) when probing scales that entered
the horizon during the radiation-dominated era. On these scales
there should be strong non-linear corrections to the power spec-
trum, which do not, however, significantly change the scaling of
the integral in Eq. (10). This integral can be approximated by
Cl ∝ ksr Ph(k⊥) ∝ νobs/(∆ν) Ph(k⊥) for largewidths ∆ν/νobs, un-
til it reaches a plateau for lower values of ∆ν/νobs. This plateau
will be reached later (that is, for higher values of ksr or lower
values of the spectral width) for correspondingly higher values
k⊥ (or l).

Fig. 9. The contribution of the radio sources to the power spec-
trum at 33 GHz (red), compared with the CO (1-0) line (blue).
Different flux cutoffs S cut are applied: 10 mJy (solid lines), 1 mJy
(dashed lines) and 0.1 mJy (dotted lines). The signal due to ra-
dio sources is very sensitive to this value, while the power in the
CO is much less affected, being generated by sources with fluxes
much lower than S cut.

Observing in narrow spectral channels increases the sensi-
tivity and observing time requirements. In the future, however,
it will be possible to combine CMB measurements carried out at
similar frequencies but with different spectral resolutions. For in-
stance, future Planck LFI’s channel at 30 GHz will scan a similar
spectral range to CBI (Padin et al. 2002) or VSA (Watson et al.
2003), but with a broader frequency response: ∆ν/νobs # 0.2 for
Planck, but ∆ν/νobs # 0.05 for VSA and ∆ν/νobs # 0.03 for CBI.
Therefore, by studying the difference in the power spectra of the
common areas, it will already be possible to establish constraints
on the CO abundance. At 30 GHz we would simultaneously ob-
serve two different slices of the universe at z ∼ 2.8 and z ∼ 6.7.
But at lower frequency we have the opportunity to observe a sin-
gle slice (i.e. at z ∼ 4.8 for 20 GHz). Unfortunately, these limits
would only be imposed up to a maximum multipole of l ∼ 500,
due to the relatively poor angular resolution of LFI’s 30 GHz
channel. Future ground-based experiments with arrays of detec-
tors should be much more sensitive and with high enough spec-
tral resolution could make such observations possible.

In Appendix B we discuss a simple technique for separat-
ing the line signal from the continuum, using different spectral
resolutions.

5.2.2. Dependence on the observing channel

In this section we explore the amplitude of the signal in differ-
ent observing frequencies. We consider the range of frequency
5 − 300 GHz, which will be covered by several future experi-
ments like SKA, PLANCK, ACT, SPT, and ALMA. In Fig. 8
we plot the ratio of the correlation signal to the primordial CMB
signal at the fixed multipole l = 2000: here it is very clear how
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Fig. 10. The correlation signal of the most significant atomic
emission lines, for a spectral resolution ∆ν/νobs = 0.33 at
353 GHz, corresponding to one of the PLANCKHFI’s detectors.
The black line is the primordial signal of the CMB, the orange
line the signal from dusty merging star-forming galaxies. Other
colors identify the lines as indicated by the labels. See Table 4
for details.

Fig. 11. The ratio of the correlation signal from atomic and ionic
line emission to the primordial CMB signal at l = 2000 as a
function of frequency and for a spectral resolution ∆ν/νobs =
10−3. The orange line is the signal from dust emission in merging
galaxies. The CII line clearly dominates the other species, but is
below the dust signal even at this spectral resolution.

Table 4. Average R for the 7 transitions of the sample from
Malhotra et al. (2001).

Species Wavelength [µm] Average R

CII 158 6.0 × 106

OI 145 3.3 × 105

NII 122 7.9 × 105

OIII 88 2.3 × 106

OI 63 3.8 × 106

NIII 57 2.4 × 106

OIII 52 3.0 × 106

fluxes presented in their paper refers to the total line emission
from such galaxies. As for the low-redshift sample of CO lines,
we obtain the FIR luminosities of these objects from the IRAS
revised bright galaxies sample (Sanders et al. 2003). For each of
the 7 species presented in their work, we computed the geomet-
ric average of the R ratio in the sample as

R̄ =















N
∏

i=1

Ri















1/N

. (14)

The resulting numbers are listed in Table 4.
In Fig. 10 we show the correlation signal of these lines at

353 GHz and for a spectral resolution ∆ν/νobs = 0.33, close
to the performance of one of PLANCK HFI’s channels. In
the same figure we also show the correlation term from star-
forming merging dusty galaxies computed in our previous paper
(Righi et al. 2008); it is clear that this signal is still the domi-
nant one. Also in this case, however, it is possible to increase
the amplitude of the correlation term by using very good spec-
tral resolutions. We show this in Fig. 11, for a spectral resolu-
tion ∆ν/νobs = 10

−3: the relative contribution of the CII 158 µm
line increases with frequency when compared with the contin-
uum emission from dust in merging star-forming galaxies. Other
lines, plotted in the same figure, have a much lower amplitude
and are therefore negligible.

6.1. Comparison with similar works

An estimate of the fluctuations arising from atomic line emission
was presented by Suginohara et al. (1999). When looking at the
CII line at z = 10, we find that our results predict emission am-
plitudes that are significantly (a factor of ∼ 102) less than theirs.
Most of this disagreement is due to the higher value adopted for
the density of ions emitting in the line (which depends on the
assumed metallicity and ionization/excitation fractions), while
having a different set of cosmological parameters introduces an
offset of a factor of a few. In our work, the actual abundance of
ions in the upper state is provided by the calibration of our model
with observational data.

Basu et al. (2004) analyzed the effect on the CMB primordial
spectrum induced by the resonant scattering of heavy elements in
the intergalactic gas, expelled by supernova explosions, galactic
winds, and jets. They demonstrate that this effect is the sum of a
damping of the original fluctuations plus the generation of new
anisotropy. They obtained a very simple analytical expression
for the change induced in the angular power spectrum on small
scales

δCl $ −2τscatCl, (15)

where τscat is the scattering optical depth of the line. The linear
scaling of δCl with the optical depth produces quite strong effect
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Fig. 12. The effect of the scattering of the CO (3-2) line at
70 GHz (squares), according to the model of Basu et al. (2004).
The solid line is the correlation term from the emission in the
same transition, for a spectral resolution ∆ν/νobs = 10

−3.

even for a low value of τ. In Fig. 12 we plot the δCl for the third
transition of CO and compare it with the correlation signal of the
emission from the same line. For 1% solar abundance, the scat-
tering optical depth of this line at 70 GHz is τ3−2 = 1.94×10

−4. It
therefore introduces a change in the primordial power spectrum
on the order of ∼ 4 × 10−4. This term, however, dominates on
large scales, while it drops towards higher multipoles, following
the decrease in the primordial spectrum, where the correlation
signal dominates.

More recently, Hernández-Monteagudo et al. (2007, 2008)
considered the pumping effect of the ultraviolet background on
the OI 63 µm line and the resulting distortion on the CMB. They
compute the correlation signal associated with the clustering of
the first star-forming objects. The amplitude they find is on the
level of 10−6 (µK)2, and it is therefore lower than the signal de-
scribed here. However, this effect would show up at higher fre-
quencies (ν ∼ 400−700 GHz), well within the spectral coverage
of ALMA, whose sensitivity should be able to put constraints on
this effect. We notice that the physical environments where both
the collisional emission and the UV-induced emission take place
are very similar, and therefore both effects constitute different
probes for the same scenarios.

7. Conclusions

The same star-forming activity that causes reionization of the
IGM at z ∼ 10 leaves an imprint on the CMB by means of several
mechanisms (e.g., Thomson scattering on the ionized gas, IR
emission from dust particles that reprocess UV radiation, reso-
nant scattering on metals produced by the first stars, etc.). In this
work, we have focused on the impact that emission on molecu-
lar and atomic and ionic lines have on the angular power spec-
trum of the CMB. We put particular emphasis on the emission
of CO rotational lines, since their effect is particularly strong in

the 20−60 GHz frequency range, although we have also consid-
ered the collisional emission of lines corresponding to species
like CII, OI, NII, and OIII.

If the star formation activity follows the halo merging his-
tory, then the spatial distribution of molecules and metals should
closely resemble that of the halos where they were produced;
therefore the emission pattern generated by these molecules and
metals should show a similar clustering pattern. The advantage
of looking at the emission of particular lines is that each observ-
ing frequency probes a given redshift shell, whose width is deter-
mined by the experimental spectral resolution (∆z/z ∼ ∆ν/νobs).
The anisotropy introduced by the clustering of the sources will
be optimally measured if both the angular and the spectral reso-
lutions of the observing experiment are able to spatially resolve
those scales corresponding to the clustering (∼ 15−25 h−1 Mpc,
in comoving units). On top of these clustering-induced fluctua-
tions, we have to add the fluctuations associated to the Poisson
nature of the sources, which contribute down to much smaller
scales (the typical source size) and for which further improve-
ments on ∆ν/ν result in a larger amount of measured anisotropy.
In this context, all other signals that contribute in similar spectral
ranges (dust IR emission, synchrotron radiation, intrinsic CMB,
etc.) show a very different behavior with changing spectral reso-
lution, because they merely remain constant. This will provide a
powerful tool for distinguishing between the fluctuations charac-
terized in this paper from all the rest and an efficient way to per-
form tomography of reionization at different frequency bands.

Due to the large number of uncertainties when building
a theoretical model for the collisional emission on molecular,
atomic, and ionic lines, we used existing measurements at low
and high redshift to calibrate our model. Our approach is simi-
lar to Righi et al. (2008), where our halo merging history model
assigns a value of the the star formation rate to a given object
and where this rate is assumed to follow a linear scaling with
the luminosity under study (in this case, the luminosity in the
various lines considered). For the CO rotational lines, we col-
lected a sample of local and high-redshift objects of different
sorts (including local mergings, bright infrared sources, AGN,
QSOs, and radiogalaxies) to calibrate the R = L/Ṁ ratio. We
have considered, for each transition, a broad range of possible
values to give an upper and lower limit estimate of the expected
amplitude of the fluctuations.

Our results show that CO emission is already stronger than
dust emission in the frequency range 10−70GHz if ∆ν/ν = 10−3.
Moreover, if one makes use of the different behavior of the
CO signal with the observing spectral resolution, then it should
be possible to project out continuum signals like CMB, radio,
and dust emission with greater confidence. In particular, the fre-
quency interval ranging from 30 up to 50 GHz is of special in-
terest for the first three CO rotational lines, since they probe the
redshift range z $ 6− 10, crucial for our understanding of reion-
ization. Atomic and ionic emission lines are more important at
higher frequency, but only the CII 158 µm gives a non-negligible
contribution to the amplitude.

This brings us to the conclusion that the emission on CO
and CII lines studied in this paper provides a new window into
reionization, constituting a bridge between the low-frequency
observations pursuing the HI 21 cm fluctuations in the radio
range, and the high-frequency observations targeting fine struc-
ture lines in metals and ions like CII, OI, or OIII (Basu et al.
2004; Hernández-Monteagudo et al. 2007, 2008). These three
windows should allow tomography of the same cosmological
epoch to be performed, but should be affected, in general, by
very different contaminants and systematics. Therefore, the com-
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Summary and questions
• Intermediate windows to probe the same overlapping EOR epoch between low freq. 21cm, and 

high frequency CII, OI and OIII.

• Star forming regions in the range 0<z<10, corresponding to the first CO line to ν~10-115GHz

• Should allow different cross-correlation to enhance signal between these various probes.

• Lines cross-correlation calibration can help

• Theoretical uncertainties are probably quite important. We are learning directly about SFR over a 
wide range of z (vague statement). Is it better/worse than 21cm?

• Do we learn anything unique?

• Requires both high resolution in spectral (Δν/ν=10-3)  and angular resolution (l~2000)

• This is 2 orders of magnitude better than Planck/CMBPol (EPIC) and 1 order of magnitude better 
than CBI. A “super-CBI” seems to be the right experiment

• Foregrounds are  still an issue

• Do similar studies for CII exist? 

• Does intensity mapping for CO and CII is feasible/make sense?
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