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The Role of Star Formation on Galaxy Evolution



Galaxies at 
z ~ 8.5 - 12

e.g., 
Zitrin et al. (2014)
Coe et al. (2013)
Ellis et al. (2013)



Quasars at 
z ~ 6 - 7

z = 7.085, t = 770 Myr
ULAS J1120+0641 
Mortlock et al. (2011)







Star Formation History

from the ratio of FIR to observed (uncorrected) FUV luminosity densities (Figure 8) as a

function of redshift, using FUVLFs from Cucciati et al. (2012) and Herschel FIRLFs from
Gruppioni et al. (2013). At z < 2, these estimates agree reasonably well with the measure-

ments inferred from the UV slope or from SED fitting. At z > 2, the FIR/FUV estimates

have large uncertainties owing to the similarly large uncertainties required to extrapolate
the observed FIRLF to a total luminosity density. The values are larger than those for

the UV-selected surveys, particularly when compared with the UV values extrapolated to

very faint luminosities. Although galaxies with lower SFRs may have reduced extinction,
purely UV-selected samples at high redshift may also be biased against dusty star-forming

galaxies. As we noted above, a robust census for star-forming galaxies at z ≫ 2 selected
on the basis of dust emission alone does not exist, owing to the sensitivity limits of past

and present FIR and submillimeter observatories. Accordingly, the total amount of star

formation that is missed from UV surveys at such high redshifts remains uncertain.

Figure 9: The history of cosmic star formation from (top right panel) FUV, (bottom right panel) IR,
and (left panel) FUV+IR rest-frame measurements. The data points with symbols are given in Table
1. All UV luminosities have been converted to instantaneous SFR densities using the factor KFUV =
1.15 × 10−28 (see Equation 10), valid for a Salpeter IMF. FIR luminosities (8–1,000µm) have been
converted to instantaneous SFRs using the factor KIR = 4.5 × 10−44 (see Equation 11), also valid for a
Salpeter IMF. The solid curve in the three panels plots the best-fit SFRD in Equation 15.

Figure 9 shows the cosmic SFH from UV and IR data following the above prescriptions,

as well as the best-fitting function

ψ(z) = 0.015
(1 + z)2.7

1 + [(1 + z)/2.9]5.6
M⊙ year−1 Mpc−3. (15)

These state-of-the-art surveys provide a remarkably consistent picture of the cosmic SFH:

a rising phase, scaling as ψ(z) ∝ (1 + z)−2.9 at 3 ∼
< z ∼

< 8, slowing and peaking at some
point probably between z = 2 and 1.5, when the Universe was ∼ 3.5 Gyr old, followed by
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The Physics of Star Formation   ... a complex, nonlinear process
- Gravity vs “pressure support”: thermal, 
magnetic, turbulence, ram, radiation, 
cosmic rays. Also rotation/shear. 
- Evolution of pressure support: Heating & 
cooling, generation (dynamo) & diffusion of 
B-fields, generation & decay of turbulence.
- Chemical evolution of dust & gas, affects 
heating/cooling & ionization fraction of HI/H2.
- Dynamical evolution of binaries & clusters.
- Stellar structure and evolution: affects 
feedback and metal enrichment.
- Feedback: outflows/winds, dissociation/
ionization, radiation pressure, supernovae.

- Uncertain initial/boundary conditions.
- Wide range of scales: e.g., ~12 dex in 
space, time in a cluster; & multidimensional.
- The need for sub-grid models in 
numerical simulations.



 Star Formation: Some Open Questions
• Causation: external triggering or spontaneous 

gravitational instability?
• Initial conditions: how close to equilibrium?
• Accretion mechanism: [turbulent/magnetic/thermal-

pressure]-regulated fragmentation to form cores vs 
competitive accretion / mergers

• Timescale: fast or slow (# of dynamical times)?
• End result

– Initial mass function (IMF)
– Binary fraction and properties

How do these properties vary with environment?

N*

m*

Salpeter (1955)
dN*/dm* = A m*-2.35

m*max?

m*peak



Galaxy Formation: Some Open Questions
• The first stars & galaxies: What were the masses 

of the first stars? How did they set the 
environment for first galaxy formation (radiation, 
mechanical and chemical)? IMF of early galaxies?

• Supermassive black holes: How do they form? 
How do they continue to accrete? Is this regulated 
by star formation? How does their feedback 
influence galaxy formation? 

• Star formation “laws” in galactic disks: What 
physical mechanisms regulate global & local star 
formation rates in different galactic environments?

• Starbursts/AGN/low Z: How does the starburst/
AGN/low Z environment affect the star formation 
process (e.g., IMF) and black hole fueling?



Abel, Bryan, Norman (2002)

1. Form pre-galactic minihalo 
~106M¤ by z~20

2. Form quasi-hydrostatic 
gas core inside halo: 
at r≈10pc: M≈4000M¤, 
nH≈10 cm-3,  fH2 ≈10-3, 
T~>200K

3. Rapid 3-body H2 formation 
at nH>~1010cm-3. Strong 
cooling -> supersonic inflow.  
4.  Form hydrostatic protostar: nH ≈1017cm-3, T ≈2000 K: optically thick, adiabatic 
contraction -> protostar m*≈0.005M¤, r*≈14R¤ (Omukai & Nishi 1998). Simulations 
now reach stellar densities (e.g. Turk+; Greif+), but grind to a halt (short timesteps), 
still at small (≪M¤) protostellar masses. Sometimes see binary fragmentation on 
larger scales (Turk et al. 2009, Susa et al. 2014).

The First Stars

 Next need analytic & semi-analytic sub-grid model: when does accretion end?



Definitions

Population III
Stars having a metallicity so low (Z<Zcrit) it has no effect on their 
formation, i.e. negligible cooling (~10-5Z¤), or their evolution (~10-8Z¤).

Population III.1
The initial conditions for the formation of Population III.1 stars (halos) 
are determined solely by cosmological fluctuations.

Population III.2
The initial conditions for the formation of Population III.2 stars (halos) 
are significantly affected by other astrophysical sources (external to 
their halo).

McKee & Tan (2008); O’Shea et al. (2008; First Stars III Conference Summary)



Analytic models for 
star formation, including
effects of radiative and 
mechanical feedback

Tan & McKee 2004: Accretion rate, 
disk structure, protostellar evolution

Tan & Blackman 2004: Magnetic field growth,
mechanical feedback from outflows

McKee & Tan 2008: Radiative feedback 
(Ly-alpha radiation pressure, ionization)

Natarajan, Tan, O’Shea, in prep: 
DM annihilation

Radiative Feedback       	 	 	 	 (McKee & Tan 2008)

 
Protostellar Evolution    	 	         (Omukai & Palla 2003; Tan & McKee 2004)

Magnetic Field Generation? 

Rotation & Disk Structure; Fragmentation?        (Tan & Blackman 2004)

Dark Matter Annihilation Heating?   (Spolyar et al. 2008; Natarajan, Tan, O’Shea 2009)

 
Accretion Rate	 	 	 	 	 (Tan & McKee 2004)

Initial Conditions        	 	     (Abel ea, Bromm ea, Yoshida ea, Omukai ea.)
polytropic structure: 

Physical Processes in Pop III star formation

Protostellar feedback (ionization) 
halts accretion at ~100-200 M¤



Radiation-Hydro Simulations of Protostellar Feedback

three-body reactions. The molecular disk ex-
tended out to ≅400 AU from the protostar, when
the stellar mass was 10 M⊙. Accretion onto the
protostar proceeded through this molecular disk
as angular momentum was transported outward.
The accretion rate onto the protostar was ≅1.6 ×
10−3 M⊙ year−1 at that moment.

The evolution of the central protostar is de-
termined by competition between mass growth
by accretion and radiative energy loss from the
stellar interior. The time scale for the former
is the accretion time scale tacc ≡ M*/Ṁ, where
M* is the mass of the protostar and Ṁ is the
mass accretion rate, whereas that for the latter
is the Kelvin-Helmholtz (KH) time scale tKH ≡
G M*

2/R*L*, where L* is the luminosity from
the stellar interior, R* is the radius of the pro-
tostar, and G is the gravitational constant. The
total luminosity of the protostar Ltot is the sum
of the stellar luminosity L* and accretion lumi-
nosity Lacc ≡ GM*Ṁ/R* (13).

In the early accretion phase, the stellar radi-
us remained almost constant at ≅50 solar radius
(R⊙) (Fig. 1A). The stellar luminosity was sub-
stantially lower than the accretion luminosity
(Fig. 1B), and the KH time scale wasmuch longer
than the accretion time (Fig. 1C). Consequent-
ly, entropy carried by the accreted gas accumu-
lated at the stellar surface nearly without loss.
During this quasi-adiabatic stage (M* < 7M⊙),
the luminosity L* increased with stellar mass.
When the star grew to 8M⊙, the KH time scale
finally fell below the accretion time scale (Fig.
1C). After this, the protostar began its so-called
KH contraction, in which it gradually contracted
as it radiated its energy away (Fig. 1A). The stel-
lar luminosity was the main component of the
total luminosity after this evolutionary stage (Fig.
1B). The stellar luminosity L* increased, and
stellar radius R* decreased, as the stellar mass
increased. As a result, the stellar effective tem-
perature Teff º (L*/R*

2)1/4 and the ultraviolet

(UV) flux rapidly rose (Fig. 1D). Thus, ionization
and heating by UV photons became important
already in the KH contraction stage.

When the stellar mass was 20M⊙, an ionized
region rapidly expanded in a bipolar shape per-
pendicular to the disk, where gas was cleared
away (Fig. 2A). At this moment, the disk ex-
tended out to ≅600AU. The diskwas self-shielded
against the stellar H2-dissociating (11.2 eV ≤ hν ≤
13.6 eV) as well as the ionizing radiation. The
ionized atomic hydrogen (H II) region continued
to grow and finally broke out of the accreting
envelope. AtM* ≅ 25M⊙, the size of the bipolar
H II region exceeded 0.1 pc (Fig. 2B). Because
of the high pressure of the heated ionized gas,
the opening angle of the ionized region also
increased as the star grew (Fig. 2C). Shocks
propagated into the envelope preceding the ex-
pansion of the ionized region. The shocked gas
was accelerated outward at a velocity of several
kilometers per second. The shock even reached
regions shielded against direct stellar UV irra-
diation. The outflowing gas stopped the infall
of material from the envelope onto the disk (fig.
S7). Without the replenishment of disk mate-
rial from the envelope, the accretion rate onto
the protostar decreased (Fig. 3). In addition,
the absence of accreting material onto the cir-
cumstellar disk means that the disk was ex-
posed to the intense ionizing radiation from
the star. The resulting photoevaporation of disk
gas also reduced the accretion rate onto the
protostar. The photoevaporated gas escaped to-
ward the polar direction within the ionized re-
gion. The typical velocity of the flow was several
tens of kilometers per second, comparable with
the sound speed of the ionized gas, which was
high enough for the evaporating flow to escape
from the gravitational potential well of the dark
matter halo.

When central nuclear hydrogen burning first
commenced at a stellar mass of 35M⊙, it was via
the proton-proton (pp)–chain normally associ-
ated with low-mass stars. The primordial mate-
rial does not have the nuclear catalysts necessary
for carbon–nitrogen–oxygen (CNO)–cycle hy-
drogen burning. Because the pp-chain alone can-
not produce nuclear energy at the rate necessary
to cover the radiative energy loss from the stel-
lar surface, the star continues to contract until
central temperatures and densities attain values
that enable the 3-a process of helium burning
(11). The product of helium burning is carbon,
and once the relative mass abundance of carbon
reaches ∼10−12, CNO-cycle hydrogen burning
takes over as the principal source of nuclear en-
ergy production, albeit at much higher central
densities and temperatures than those of stars
with solar abundances. These first-generation
ZAMS (zero-age main sequence) stars are thus
more compact and hotter than are their present-
day counterparts of equal mass (14). The subse-
quent evolution of the accreting star followed
along the ZAMS mass-radius relationship (Fig.
1A). By the time the star attained 40 M⊙, the

Fig. 2. UV radiative feedback from the primordial protostar. The spatial distributions of gas temper-
ature (left), number density (right), and velocity (right, arrows) are presented in each panel for the central
regions of the computational domain. The four panels show snapshots at times when the stellar mass
is M* = 20 M⊙ (A), 25 M⊙ (B), 35 M⊙ (C), and 42 M⊙ (D). The elapsed time since the birth of the
primordial protostar is labeled in each panel.
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Hosokawa, Omukai, Yoshida, Yorke (2011) 
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Figure 2. Number of dark matter halos that host star-forming gas clouds.
The histogram shows the distribution of redshifts when the central gas density
reaches ∼106 cm−3. The histograms are colored according to the virial masses
using the color scale displayed at the top.
(A color version of this figure is available in the online journal.)

SPH cosmological simulations to follow the formation of the
primordial gas clouds that gravitationally collapse in the center
of dark matter halos. The histogram in Figure 2 shows that our
sample of 110 dark matter halos has a wide range of masses
Mvirial = 105–106 M⊙ distributed over redshifts z = 35–11,
most of which are at z = 20–15. Figure 3 shows an example of
the resulting gas density concentrations arising in five such dark
matter halos together with insets of their zoomed-in structure,

Table 2
Evolutionary Paths

Path Ṁ Nsample
(M⊙ yr−1)

P1 KH Contracting protostar <0.004 67
P2 Oscillating protostar >0.0041 31
P3 Supergiant protostar >0.042 12

Notes. Column 2: accretion rate for each path, and Column 3: the
number of stars in our sample.
References. (1) Omukai & Palla 2003; (2) Hosokawa et al. 2012a.

represented by white circles corresponding to 1 pc. As expected,
the five clouds have different structures of density, velocity, and
temperature. The resulting stellar masses are also different as
indicated in the figure.

After the formation of a protostellar core at the center of
the collapsing cloud, we switch to the 2D RHD calculations
for each individual dark matter halo and follow the evolution
during the later accretion stages. Figure 4 shows snapshots from
three of our examined cases, which exemplify the three different
evolutionary paths (P1, P2, and P3). We see that in each case
a bipolar Hii region forms (Figure 4(a)), which subsequently
grows at varying rates as the stellar mass increases. The mass
accretion onto the protostar is finally shut off by the strong UV
radiative feedback caused by the dynamical expansion of the Hii
region (Figure 4(c); see also Hosokawa et al. 2011). Figure 5
shows the distribution of the final stellar masses obtained in
our simulations (a summary is given in Table 2). We see a
large scatter of resulting stellar masses, ranging from 9.9 M⊙

Figure 3. Projected gas density distribution at z = 25 in one of our cosmological simulations. We show five primordial star-forming clouds in a cube of 15 kpc on a
side. The circles show the zoom-in to the central 1 pc region of the clouds at the respective formation epoch. The masses of the first stars formed in these clouds are
60, 76, 125, 303, and 343 M⊙, respectively.
(A color version of this figure is available in the online journal.)
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(a) (b) (c)

Figure 4. Expanding H ii regions around the primordial protostar for three in our sample of 110 clouds (the same ones as in Figure 12). We show the structure and
the evolution of the accreting gas from left to right. The plotted regions are cubes with 60,000 AU on a side. The colors indicate gas temperature and the contours
show the density structure. The main accretion takes place through the accretion disk on the equatorial plane. As the central protostar becomes more massive and the
surface temperature increases, the ionizing photon production of the central star increases. H ii regions are launched into the polar direction and the opening angles
grow with time, eventually stopping the accretion.
(A color version of this figure is available in the online journal.)
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Figure 5. Final distribution of the calculated stellar masses for our 110 first stars.
The red, blue, and black histograms represent the different paths of protostellar
evolution: P1: KH contracting protostar (red), P2: oscillating protostar (blue),
and P3: supergiant protostar (black). See the text in Section 2.2.1 for details.
P1hd refers to the cases in which the gas clouds are formed by HD cooling
and evolve on low-temperature tracks. P3p (predicted) indicates the same cases
as P3, except that the final masses are calculated from a correlation between
the properties of the cloud and the resulting stellar mass (Equation (13); see
Appendix B).
(A color version of this figure is available in the online journal.)

to 1621 M⊙. However, the bulk of them are distributed around
several tens or a few hundreds of solar masses. We study the
origin of this distribution in Section 4 in detail. Here we merely
note that the distribution of stellar masses does not mirror the
distribution of dark matter halo masses.

3.2. Evolution in the Early Collapse Stage

3.2.1. Runaway Collapse of the Clouds

In this section we describe the early evolution of the star-
forming clouds up to the moment when a central hydrostatic
core is formed by considering the fate of nine representative
cases. Figure 6 shows that the gravitational collapse of a pri-
mordial cloud proceeds in the well-known self-similar man-
ner. The cloud has a central collapsing core and a surrounding
envelope during the collapse. Where the collapsing core has an
approximately homogeneous density distribution, the envelope
develops a power-law profile, nH ∝ R−2.2 (e.g., Omukai & Nishi
1998; Ripamonti et al. 2002). Figure 6 also shows the radially
averaged density profiles in the nine different clouds at the time
when the central density reaches 1012 cm−3. We see that densi-
ties at the same radial distance can differ among the clouds by
more than a factor of ten. The variation of the density structure
is attributed to the different thermal evolution during the col-
lapse (see Section 3.2.2). Some bumps in the density profiles
indicate the presence of neighboring density peaks, large disk-
or bar-like structures, or fragmented clumps in the collapsing
clouds. We discuss these cases further in Section 5.2.2.
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Figure 7. Density (top), temperature (middle), and H2 fraction (bottom) are
shown as functions of the distance from the primary star for a typical minihalo.
Each dot corresponds to the SPH particle. The three colors correspond to the
three snapshots at 2180 yr, 8180 yr, and 98780 yr after the formation of the
primary star.
(A color version of this figure is available in the online journal.)

if we could properly take into consideration the photoionization
feedback (Hosokawa et al. 2011), since the ionized gas has
higher temperature.

We also remark that the primary star and the secondary star
have already settled down to the main sequence at 105 yr. The
rest of the low mass stars are uncertain, since it is not possible
to resolve the mass accretion rate !10−5 M⊙ yr−1, above which
the stars of !10 M⊙ are still in the pre-main-sequence phase. We
have also checked that all protostars more massive than 10 M⊙
found in 59 minihalos are in the main sequence phase by the
end of the simulation (i.e., 105 yr after the first sink formation).

4.4. Mass Spectrum

We perform local radiation hydrodynamics simulations start-
ing from the 59 minihalos found in the cosmological simula-
tions. Hence we obtain the mass spectrum of the stars by sum-
ming up the contributions from all the minihalos. In the mass
spectrum of Figure 9, all the stars found in the local simulations
are taken into account.

It is immediately obvious that we have a very top-heavy
mass spectrum with a peak at several tens of solar mass, and
most of the first stars are within the range of 10 M⊙ ! M !
100 M⊙. This is the first IMF of the first stars by way of the

Figure 8. Evolution of sink particles on the M–Ṁ plane. The color gradient is
same as Figure 1. Solid lines denote the path of the six sink particles in this
particular run.
(A color version of this figure is available in the online journal.)

Figure 9. Mass spectrum of first stars is shown. The colors in the histogram
correspond to the order of birth of these stars. The color legend in the upper
right corner describes the correspondence between the order of birth and the
color.
(A color version of this figure is available in the online journal.)

three-dimensional simulations, including the effects of the
radiative feedback and the fragmentation.

On the other hand, stars exceeding 140 M⊙ (i.e., the pro-
genitors of PISNe) also exist in the simulations. In fact, those

8
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Figure 2. Projected gas density distribution in one of Runs A at z = 14.0. The
presented volume is one-eighth of the whole box of this run. The three density
peaks in the map are extracted as the hosts of the first stars.
(A color version of this figure is available in the online journal.)

our samples of minihalos are qualitatively consistent with the
theoretical predictions.

We also tested whether or not the properties of the minihalos
in Runs A/B are similar to those found in the reference run. The
volume in the reference run is 8000 times larger than that of
Runs A/B, and the employed σ8 is 0.82, which is the ordinary
value in WMAP seven-year cosmology. Thus, the reference run
would give a proper average distribution of minihalos, although
it lacks the mass resolution required for the initial conditions
of the local RHD simulations. We note that the reference run
was stopped at z = 9 to save the computational time. We pick
up 1878 minihalos that will host first stars in the reference run,
and the results are superimposed on the panels of Figure 3.
Consequently, we find that the frequency distribution of the
minihalos picked up from the boosted σ8 runs (Runs A + Runs B,

blue dotted line “ALL”) is consistent with those with the normal
σ8 for z > 9. The chief reason would be that the first star-
forming minihalos form at the high-σ density peaks, even in the
larger box, which makes the properties of the minihalos in the
reference run similar to those in Runs A/B.

In Figure 4, we show the number density and specific
angular momentum as a function of enclosed mass, and the
gas temperature and hydrogen molecular fraction as a function
of number density. Here, we emphasize two important points
in this figure. First, the internal properties of our samples are
similar to those in previous studies (Yoshida et al. 2006; O’Shea
& Norman 2007; Hirano et al. 2014). This also indicates that
our samples are hardly affected by the enhanced normalization
of the density fluctuations. Second, the properties of the halos
shown in the figure show large variations. These variations lead
to the variety of clouds.

4.2. Properties of the Cloud

We also define the dense “clouds,” the hosts of the first
stars, located at the center of the gravitational potential of the
minihalos, and show their properties. The definition of a “cloud”
is the same as that adopted in Hirano et al. (2014). We take a
snapshot when the peak density reaches nth = 108 cm−3, and
average the physical quantities over the thin spherical shells to
obtain their radial distribution. Then we define the radius where
the ratio of the enclosed mass to the local Bonnor–Ebert (BE)
mass takes the maximum as the cloud radius rcloud.5 Here the
local BE mass is given by

MBE = 1050
(

T

200 K

)1.5( µ

1.22

)−2.0( nH

104 cm−3

)−0.5( γ

1.66

)2.0
M⊙,

(2)

where µ and γ are the mean molecular weight and the adiabatic
index, respectively. Once we determine the cloud radius rcloud,
the cloud mass is defined as the enclosed mass within rcloud.

5 We have to keep in mind that this definition could introduce artificially
large cloud mass because it can pick up a relatively distant radius when
multiple density peaks are present.

Figure 3. Frequency distributions of the virial mass, spin parameter, and collapse redshift of halos. In each panel, the result of Runs A and Runs B are indicated by the
thin solid and dashed lines, respectively. Also, the results for all halos, namely combined data of Runs A and Runs B, are shown by the thick solid lines. The results
of the reference run are indicated by the dot-dashed lines.
(A color version of this figure is available in the online journal.)
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FIGURE 2. Left: Final protostellar mass due to photoevaporative feedback, m∗ f , versus z for the 12
halos of O’Shea & Norman[16]. Right: IMF of the stars forming in these Pop III.1 minihalos.

sample. The sample is also small, so we note only some basic features: we see very
few stars below 80M⊙, a steep rise in the IMF around 100M⊙, then a general decline to
higher masses, with the most massive star being∼ 600M⊙. The mean mass is∼ 250M⊙,
the median is ∼ 215M⊙ and the dispersion is ∼ 160M⊙.
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Some Pop III Questions
Fragmentation in minihalo and protostellar accretion disk?

- “Low-fragmentation”: single stars/binaries/small-N 
(Turk et al. 2009; Hirano et al. 2014; Susa et al. 2014).
- “High-fragmentation”: large numbers of Pop III stars, 
including low-mass (Greif et al. 2011; Clark et al. 2011).

Pop III.2 star formation: i.e., zero/negligible metallicity, but 
affected by astrophysical feedback. Thought to be of lower 
mass due to enhanced e- fraction -> larger H2 abundance.

Effect of WIMP DM annihilation? - perhaps can reduce 
fragmentation and make supermassive stars (Spolyar et al. 2008; 
Natarajan et al. 2009; Smith et al. 2012; Stacy et al. 2014)

Relation to supermassive black hole formation, first 
galaxies, globular clusters? (review by Bromm 2013).

How reliable are Pop III stellar evolution & nucleosynthetic 
supernova yields? (Heger & Woosley 2002; Umeda & Nomoto 2002).

DM streaming lowers and delays Pop III SFR, by increasing 
required minihalo mass - (Tseliakhovich & Hirata 2010; Naoz et al. 2012)



Reionization (H, He)
 

Metal Enrichment
proto-galaxies and IGM

 

Illumination

SN & GRBs?

Progenitors of Supermassive BHs?
Early Galaxies?

First Star Observables

CMB polarization (WMAP Page et al. 07)
H 21cm (LOFAR Morales & Hewitt 04)

Z of low Z halo stars (Beers & Christlieb 05, 
Scannapieco et al. 2006; Meynet, Hirschi ea. 10)
Z of Lya forest?(Schaye et al. 03 Norman et al. 04)

NIR bkg. intensity (Santos et al. 02; Fernandez 
& Komatsu 06; Matsumoto ea. 10)
NIR bkg. fluctuations (Kashlinsky et al. 04)

Observations

JWST	 (Weinmann & Lilly 05)
SWIFT	 (Bromm & Loeb 02; Tanvir ea 09)

ULXs            (Mii & Totani 2005)
Quasars	      (Mortlock et al. 2011)
NIR counts   (Stark et al. 07)

Influence on structure formation: 
Supermassive Black Holes, Globular Clusters, Galaxies? 
Critical Z~10-6(Omukai ea. 05) to 10-3.5Z¤ (Bromm & Loeb 2003)

Astrophysical Effects



Metal-Poor Halo Stars
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A single low-energy, iron-poor supernova
as the source of metals in the star SMSS
J031300.362670839.3
S. C. Keller1, M. S. Bessell1, A. Frebel2, A. R. Casey1, M. Asplund1, H. R. Jacobson2, K. Lind3, J. E. Norris1, D. Yong1, A. Heger4,
Z. Magic1,5, G. S. Da Costa1, B. P. Schmidt1 & P. Tisserand1

The element abundance ratios of four low-mass stars with extremely
low metallicities (abundances of elements heavier than helium)
indicate that the gas out of which the stars formed was enriched
in each case by at most a few—and potentially only one—low-energy
supernova1–4. Such supernovae yield large quantities of light ele-
ments such as carbon but very little iron. The dominance of low-
energy supernovae seems surprising, because it had been expected
that the first stars were extremely massive, and that they disinte-
grated in pair-instability explosions that would rapidly enrich gal-
axies in iron5. What has remained unclear is the yield of iron from
the first supernovae, because hitherto no star has been unambigu-
ously interpreted as encapsulating the yield of a single supernova.
Here we report the optical spectrum of SMSS J031300.362670839.3,
which shows no evidence of iron (with an upper limit of 1027.1 times
solar abundance). Based on a comparison of its abundance pattern
with those of models, we conclude that the star was seeded with mate-
rial from a single supernova with an original mass about 60 times
that of the Sun (and that the supernova left behind a black hole).
Taken together with the four previously mentioned low-metallicity
stars, we conclude that low-energy supernovae were common in
the early Universe, and that such supernovae yielded light-element
enrichment with insignificant iron. Reduced stellar feedback both
chemically and mechanically from low-energy supernovae would
have enabled first-generation stars to form over an extended period.
We speculate that such stars may perhaps have had an important role
in the epoch of cosmic reionization and the chemical evolution of
early galaxies.

Whereas the solar spectrum contains many thousands of spectral
lines due to iron and other elements, the high-resolution (R 5 28,000)
optical spectrum of SMSS J031300.362670839.3 (hereafter SMSS 03132
6708) is remarkable for the complete absence of detectable iron lines.
Figure 1 shows a portion of the spectrum that possesses a signal-to-noise
ratio (S/N) of 100 per resolution element in the vicinity of one of the
strongest iron lines (Fe I at 385.9 nm wavelength). The non-detection
of iron lines places an upper limit on the iron abundance of the star,
[Fe/H] , 27.1, at a 3s confidence level. (Here [A/B] 5 log10(NA/NB)star 2
log10(NA/NB)[, where NA/NB is the number ratio of atoms of elements A
and B, and the subscript[ refers to the solar value.) This upper limit is 30
times lower than the iron abundance in HE 132722326, which has [Fe/
H] 5 25.6 (ref. 2), and is the most iron-deficient star previously known.

The paucity of absorption lines in the spectrum of SMSS 031326708
allows us to derive the abundance of only four chemical elements. The
calcium abundance is determined to be [Ca/H] 5 27.0. Given that
existing studies have shown that [Ca/Fe] 5 10.4 for the majority of
extremely metal-poor stars6, the [Ca/H] value that we determine would
be consistent with an extraordinary low iron abundance limit. We
suggest below, however, that the Ca abundance in SMSS 031326708

1Research School of Astronomy and Astrophysics, Mount Stromlo Observatory, Cotter Road, Weston, Australian Capital Territory 2611, Australia. 2Department of Physics, Massachusetts Institute of
Technology and Kavli Institute for Astrophysics and Space Research, Cambridge, Massachusetts 02139, USA. 3Institute of Astronomy, University of Cambridge, Madingley Road, Cambridge CB3 0HA, UK.
4School of Mathematical Sciences, Monash University, Victoria 3800, Australia. 5Max-Planck-Institut für Astrophysik, Karl-Schwarzschild-Strasse 1, Garching 85741, Germany.
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Figure 1 | A comparison of the spectrum of SMSS 031326708 to that
of other extremely metal-poor stars. a–c, Metal-poor stars of similar
temperature and surface gravity are chosen from the literature. The spectrum
of SMSS 031326708 shows an absence of detectable Fe I lines (a) and is
dominated by molecular features of CH (c). Panel b shows the vicinity of what
should be one of the strongest iron lines in the ultraviolet/optical wavelength
region. Overlaid are synthesized line profiles (1D LTE) for [Fe/H] 5 27.5
(dotted line), 27.2 (solid line) and 26.9 (long dashed line).
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Very iron poor.
Enrichment from one 
low-energy SN?
m* ~ 60 M¤ ?
Keller et al. (2014)

abundance (compared with Mg) and the low C
and Mg abundances. Furthermore, the [Co/Fe] in
this scenario is as lowas the observed ratio of SDSS
J0018-0939, even with such a high explosion en-
ergy, because a low-entropy environment is achieved
due to the high density in the complete Si-burning
layer. Hence, if the explosion of such a very massive
star actually has occurred, it has the potential to
explain the peculiar chemical abundance pattern
of SDSS J0018-0939.
Interestingly, theoretical estimates of early

chemical enrichment (23) predict that the met-
allicity of polluted primordial gas can reach a
level of [Fe/H] = –2.5, due to the large amount
of metals produced by the PISN explosions of
a first generation of very massive stars, which
matches the Fe abundance of SDSS J0018-0939.
They also predict that stars formed from gas
enriched by PISN are quite rare; only one star
among 500 stars with [Fe/H] < –2 is expected,
even if a relatively large fraction of very massive

stars is assumed among the first stars (7% by
number and 40% by mass). This argument also
might work for the case of the explosion of core-
collapse very massive stars that reproduces the
abundance pattern of SDSS J0018-0939, because
the yield of metals is comparable to that of a
PISN, and the explosion energies could avoid
the complete disruption of a cloud with 108M⊙
(24). The star SDSS J0018-0939 is unique in its
observed abundance pattern; although about
500 stars in themetallicity range –3 < [Fe/H] < –2
have been observed to date with high-resolution
spectroscopy, no similar object has been found
[see the Stellar Abundances for Galactic Ar-
cheology (SAGA) database (25)]. Hence, if SDSS
J0018-0939 actually records the yields of a PISN
or the explosion of a very massive star, the num-
ber fraction of very massive stars among primor-
dial stellar populations could be several percent,
which is comparable to that predicted by recent
theoretical studies on the formation of first-

generation stars (4). Themass distribution of first-
generation stars formed in dark-matter halos is
primarily determined by the angular momen-
tum of the gas cloud, which could be related to
that of its natal dark-matter halo. The discovery
of SDSS J0018-0939 could be the first step toward
obtaining a direct comparison between the ob-
servations of very metal-poor stars and cosmo-
logical 3D radiation-hydrodynamical simulations.
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Fig. 2. Comparison of
chemical-abundance
patterns ([X/Fe]
values as a function of
atomic number)
between our program
stars (red circles,
SDSS J0018-0939;
blue triangles, G39-36)
and model predictions.
(Top) Comparison with
core-collapse supernova
(SN) models (black line
with open squares:
25M⊙, E51 = 10, M(Fe) =
0.68 M⊙; magenta line
with open triangles:
25M⊙, E51 = 1,M(Fe) =
0.26M⊙, where E51 and
M(Fe) indicate explosion
energy in the unit of
1051 ergs and mass of Fe
ejected, respectively).
(Middle) Comparison
with a type Ia SN (SN Ia)
model (16) (black line
with open squares:
CDD2) and a model of
SN Ia + core-collapse SN
(magenta line with open
triangles: CDD2 +
normal SN [25 M⊙,

E51=1,M(Fe) = 0.07
M⊙]). Here,we adopt the
core-collapse SN model
ejecting Fe of typical
values in the nearby
universe (3) and assume
that a gas cloud from which SDSS J0018-0939 formed has been equally enriched by the SN Ia and the
core-collapse SN.The contributions of SN Ia to the total ironmass of the gas cloud is 92.2%. (Bottom)
Comparison with a PISN model (18) (black line with open squares: MHe = 130 M⊙, where MHe is the
helium-core mass) and a model of a core-collapse SN of a very massive star (21) [magenta line with
open triangles: 1000M⊙, E51 = 667,M(Fe) = 19.16M⊙, andMrem = 413M⊙, whereMrem is themass of the
central remnant].
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Galactic Disks

Quasi-equilibrium of SFR and ISM as modeling target
(in place of well-defined initial conditions)



Kennicutt (1998)

Also: Schmidt (1959), Wong & Blitz (2002), 
Boissier et al. (2003), Kennicutt et al. (2007), 
Leroy et al. (2008), Bigiel et al. (2008), Genzel 
et al. (2010)...

Global galactic scales:
Kennicutt-Schmidt (KS) 
Relation 

Star Formation Rate per 
unit area of the disk, ΣSFR, 
correlates with gas mass 
surface density, Σgas, (total 
H2+HI and/or just H2).



εorbit,outer = 0.11

Kennicutt (1998)Global galactic scales (cont.):
Dynamical KS Relation 

ΣSFR = εorbit Σgas / torbit 
        ∝ Σgas Ω

εorbit = 0.04    
in H2 dominated regions of 
12 disk galaxies  (Tan 2010; 
Leroy et al. 2008)



Test of SF Laws in Disk Galaxies II. Dependence on Dynamical Properties
Suwannajak, Tan, Leroy 2014

16 disk galaxies, all with 
mean vcirc>100 km/s
Here we exclude r<1kpc

Star formation efficiency per orbit vs. β
vcirc

R
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STAR FORMATION RATES IN DISK GALAXIES AND CIRCUMNUCLEAR STARBURSTS FROM
CLOUD COLLISIONS
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ABSTRACT
We invoke star formation triggered by cloud-cloud collisions to explain global star formation rates of

disk galaxies and circumnuclear starbursts. Previous theories based on the growth rate of gravitational
perturbations ignore the dynamically important presence of magnetic Ðelds. Theories based on triggering
by spiral density waves fail to explain star formation in systems without such waves. Furthermore, obser-
vations suggest gas and stellar disk instabilities are decoupled. Following Gammie, Ostriker, & Jog, the
cloud collision rate is set by the shear velocity of encounters with initial impact parameters of a few tidal
radii, due to di†erential rotation in the disk. This, together with the e†ective conÐnement of cloud orbits
to a two-dimensional plane, enhances the collision rate above that for particles in a three-dimensional
box. We predict For constant circular velocity (b \ 0), this is in agreement&SFR(R) P &gas )(1 [ 0.7b).
with recent observations by Kennicutt. Our estimates for the normalization of this star formation law,
while uncertain, are consistent with the observed star formation in the Milky Way and starburst gal-
axies. We predict a B-band Tully-Fisher relation : also consistent with observations. As addi-L

B
P vcirc7@3 ,

tional tests, we predict enhanced/reduced star formation in regions with relatively high/low shear rates,
and lower star formation efficiencies in clouds of higher mass.
Subject headings : galaxies : spiral È galaxies : starburst È ISM: clouds È stars : formation

1. INTRODUCTION

Understanding how the global star formation rates
(SFRs) of galaxies and starbursts depend on their physical
properties is essential for an understanding of galaxy evolu-
tion. Furthermore, such knowledge can also reveal much
about the star formation process itself.

Empirically, in disk galaxies (Kennicutt 1989, 1998, here-
after K89, K98) and the circumnuclear disks of starbursts
(Downes & Solomon 1998, hereafter DS98), star formation
occurs in regions where the gas disk is unstable to gravita-
tional perturbation growth. This can be expressed as a con-
dition on the surface density of gas :

&gas [ &crit \
aipgas

nG
4 Q&gas (1)

(Toomre 1964 ; Quirk 1972), where is the gas velocitypgasdispersion ; a is a dimensionless constant near unity, to
account for deviations of real disks from the idealized
Toomre thin-disk, single-Ñuid model ; Q is a dimensionless
parameter ; and i is the epicyclic frequency :

i \ J2
vcirc
R

A
1 ] R

vcirc

dvcirc
dR

B1@2 \ J2
vcirc
R

(1 ] b)1@2 .

(2)

Here is the circular velocity at a particular galacto-vcirccentric radius R, and which is zero forb 4 d ln vcirc/d ln R,
a Ñat rotation curve. From the outermost galactic star-
forming regions, K89 Ðnds a ^ 0.67, assuming kmpgas \ 6
s~1. The result a \ 1 is expected, because of the destabi-
lizing inÑuence of a stellar disk (Jog & Solomon 1984 ; Jog
1996). Where Q \ 1, on scales around thejcrit \ 2npgas/Qi,
gas disk is gravitationally unstable and fragments into
bound clouds. When stars form, the energy they release
raises and star formation is hypothesized (e.g., Silkpgas,

1997) and observed (K89 ; DS98) to self-regulate, so that
Q D O(1).

All star formation is observed to occur in molecular
clouds, and the majority in giant molecular clouds (GMCs),
with masses (see Blitz & Williams 1999 andZ 105 M

_McKee 1999 for reviews). However, K89 reported the sur-
prising result that the correlation of the SFR with the
surface density of molecular gas was much weaker than
with the total (atomic ] molecular). Uncertainties in CO to

conversion may account for some of the poor corre-H2lation ; however, the data suggest that the immediate supply
of gas controlling the SFR is both atomic and molecular.
This implies that the atomic to molecular conversion time-
scale, is short compared to the timescale on which startconv,formation is regulated. Spitzer (1978) Ðnds the rate constant
for molecule formation on dust grains to be approximately
2.0 ] 10~17 cm3 s~1, for typical Galactic interstellar
medium (ISM) metallicities. Ignoring destruction processes,
a naive estimate of the time to convert a region with nH I

D
1000 cm~3, perhaps created from the collision of two
atomic clouds, to gives yr, which is aH2, tconv D 2 ] 106
relatively short timescale.

Where the SFR is observed to be correlated withQ [ 1,
gas density. Schmidt (1959) introduced the param-
eterization of the volume densities withoSFR P ogasn ,
n D 1È2. By looking at about 100 di†erent galactic and cir-
cumnuclear starburst disk systems, K98 found a similar
relation for disk-averaged surface densities of gas and star
formation, valid over 5 orders of magnitude in &gas ,

&SFR P (&gas)N , (3)

with N D 1.4 ^ 0.15 (Fig. 1) (however, see Taniguchi &
Ohyama 1998). K98 Ðnds that the SFR is also correlated
with the orbital angular frequency, ), via

&SFR P &gas ) (4)
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β=0
β=1

αCC = 1.1 ± 0.4
GMC collision theory predicts 
αCC = 0.7

Declining εorb with increasing 
β seen with high significance: 
opposite to trend expected if 
formation of GMCs from diffuse 
ISM controls SFRs.



GMC & Clump scales:
Star Formation is Inefficient, Slow and Clustered

εff ~ 0.01    in Galactic GMCs (Zuckerman & Evans 1974) 
   and dense IRDCs (Krumholz & Tan 2007)

Rathborne et al. 2005

Gao & Solomon 2004

Shirley et al. 2003

Zuckerman & Evans 1974
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εff ~ 0.01    in Galactic GMCs (Zuckerman & Evans 1974) 
   and dense IRDCs (Krumholz & Tan 2007)

εff << 0.01  in most gas in GMCs (AV<10) (e.g. Lada et al. 2010)
Pipe Nebula with Mg~104M¤ (Forbrich et al. 2009) 
ε ~ 0.0006
εff ~ 0.0006 (assuming tcloud=1tff)

SF Threshold ~100 M¤ pc-2 (AV<4)? (Lada et al. 2010; Heiderman et al. 2010)
Or a more continuous transition? (Gutermuth et al. 2011)

But star formation is 
clustered wrt to GMC gas

GMC & Clump scales:
Star Formation is Inefficient, Slow and Clustered



Turbulence
see, e.g., Padoan et al. (2014)Supersonic turbulence 7

Figure 3. Same as Figure 2, but instead of slices, these show projections (integration along the line of sight) of the three-dimensional

gas density (top panels) and (mass-weighted) vorticity (bottom panels) for solenoidal driving (left-hand column) and compressive driving

(right-hand column). (Movies are available in the online version.)

driving produces a significantly wider density distribution
with a larger standard deviation than solenoidal driving for
the same rms Mach number, which has been explored and
discussed in detail in previous studies (Federrath et al. 2008;
Price et al. 2011; Konstandin et al. 2012a,b).

Previous works suggest that the density PDF should be
approximately log-normal (Vázquez-Semadeni 1994; Padoan
et al. 1997; Passot & Vázquez-Semadeni 1998). Deviations
from perfectly log-normal distributions are caused by inter-
mittency and sampling e↵ects (Kritsuk et al. 2007; Kowal
et al. 2007; Federrath et al. 2010; Price & Federrath 2010;
Konstandin et al. 2012b). Recently, Hopkins (2013b) sug-
gested an intermittency fit for the volume-weighted PDF
with the following function,

p

V

(s) = I

1

⇣
2
p

�!(s)
⌘
exp [� (�+ !(s))]

s
�

✓

2

!(s)
,

� ⌘ �

2

s

/(2✓2), !(s) ⌘ �/(1 + ✓)� s/✓ (! > 0) (9)

where I

1

(x) is the modified Bessel function of the first kind.
Equation (9) is motivated and explained in detail in Hopkins
(2013b). It contains two parameters, the standard deviation
of logarithmic density variations, �

s

, and an intermittency
parameter ✓. In the zero-intermittency limit ✓ ! 0, Equa-
tion (9) simplifies to a log-normal PDF. Hopkins (2013b)
show that this intermittency form of the PDF provides ex-
cellent fits to density PDFs from turbulence simulations with
extremely di↵erent properties (solenoidal, mixed, and com-
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Federrath (2013)

Driven supersonic turbulence in a periodic box.
4 main parameters:

- αvir = 5 σv,1D2 R/(GM) ~ 2Ekin/Egrav

- Sonic Mach no. Ms = σv  / cs

- Turbulence driving parameter b
(compressional: b=1; solenoidal: b=1/3) 

- Alfven Mach no. MA=σv /vA = σv/(⟨B2⟩/⟨4πρ⟩)1/2

(or ratio of gas to magnetic pressure
 β = 2cs2 /vA2 = 2MA2/Ms2)

Vazquez-Semadeni (1994); Padoan et al. (1997); 
Ostriker et al. (2001); Hopkins (2013) 

Federrath – PPVI – Heidelberg – 15/07/2013 

Vazquez-Semadeni (1994); Padoan et al. (1997); 
Ostriker et al. (2001); Hopkins (2013) 

Federrath – PPVI – Heidelberg – 15/07/2013 

Vazquez-Semadeni (1994); Padoan et al. (1997); 
Ostriker et al. (2001); Hopkins (2013) 

Federrath – PPVI – Heidelberg – 15/07/2013 

Turbulence leads to ~log normal PDF of ρ 

Higher-order statistics can help find, e.g., 
MA, (Burkhart et al. 2009)

Turbulence leads to a line-width vs. size relation:
obs.: σv ~ L0.5 (Larson 1981; Heyer & Brunt 2004)



Turbulent SFR
Self-gravity leads to power-
law tails in PDFs of ρ or Σ
(e.g., Kritsuk et al. 2011).
Such features are seen in 
star-forming GMCs.

Star formation
efficiency per 
free-fall time

Krumholz & McKee (2005); Padoan & Nordlund (2011); Hennebelle & Chabrier (2011)

Numerically:
- threshold conditions for 
sink particle creation
- measure SFR as a 
function of αvir, Ms, b, MA

For εff~0.01, requires αvir~10

Padoan et al. (2012)

Kainulainen 
et al. (2009)



Turbulent Fragmentation & CMF/IMF

Padoan & Nordlund (2002) 
- power spectrum of super-Alfvenic 
turbulence is a power-law, size of dense 
cores scales as thickness of post-shock 
gas.

Hennebelle & Chabrier (2008, 2009, 2011) 
- turbulent support for massive cores
- but this predicts massive cores form 
from “low” density conditions

Hopkins (2012a,b,c, 2013) 
- Extended Press-Schechter for turbulent ISM



Application of Turbulence Models to Global SFRs
Krumholz & McKee (2005): GMCs are virialized and 
their surfaces in pressure equilibrium with Q~1 disk.

See also Krumholz, Dekel & McKee (2012)

Krumholz, McKee & Tumlinson 
(2009): GMCs are virialized and 
their surfaces in pressure 
equilibrium with Q~1 disk for high 
Σg regime. Pressure set by internal 
feedback in low Σg regime.



Potential Problems with Turbulence Models
1. Most results are for hydrodynamic turbulence or ideal super-
Alfvenic turbulence (c.f., non self-gravitating simulations of, e.g., Falceta–
Gonçalves et al. 2008; Burkhart et al. 2009; McKee et al. 2010; P-S Li et al. 2012).

2. Without continuous driving, turbulence decays quickly (Stone et al. 
1998; Mac Low et al. 1998; c.f., Hansen et al. 2011). Is continually driven turbulence a 
realistic assumption for star-forming clouds? What processes dominate turbulent 
driving in GMCs, clumps, cores? See also colliding HI flow models: e.g., Heitsch et 
al. 2008, Vázquez-Semadeni et al. (2011), Chen & Ostriker (2014); GMC Collision 
models (Tan 2000; Tasker & Tan 2009); turbulence driven by thermal instabilities, 
e.g., Iwasaki & Inutsuka (2014); supernova-driven (e.g., Joung & Mac Low 2006).

3. Are periodic boundary conditions a reasonable assumption for 
simulations of GMCs, filaments, clumps, cores? 
4. Star formation thresholds - choices of threshold densities for star 
formation / sink creation are quite arbitrary.
5. If star cluster formation is slow (Tan et al. 2006), then local regulation is 
via outflow-driven feedback turbulence (Nakamura & Li 2007, 2014) or 
ionization-front-driven turbulence (e.g., Walch et al. 2012, Dale et al. 2013).



Magnetic Fields
see, e.g., H-B Li et al. (2014),
Crutcher (2012)

the axis-constrained PCA eigenfunctions to show a clear signa-
ture of velocity anisotropy induced by MHD turbulence.

4. THE TAURUS MOLECULAR CLOUD

The Taurus molecular cloud provides a valuable platform to in-
vestigate interstellar gas dynamics and the star formation process,
owing to its proximity (140 pc) and the wealth of complementary
data. Narayanan et al. (2008) present newwide-field imaging ob-
servations of 12CO and 13CO J ¼ 1 0 emission from the cen-
tral 100 deg2 of the Taurus cloud complex, obtained with the
FCRAO 14 m telescope. The images identify a low column den-
sity substrate of gas that contains subtle streaks of elevated 12CO
emission aligned along the local magnetic field direction as de-
termined from stellar polarization measurements (Heiles 2000).
Images of 12CO J ¼ 1 0 integrated intensity and centroid ve-
locity with measured polarization vectors from this subfield are
shown in Figure 3. These show a connection between the density
and velocity fields.While the origin of these streaks is unknown,
their rigorous alignment with the polarization vectors strongly
suggests that the interstellar magnetic field plays a prominent
role in the gas dynamics of this low-density material.

To assess the degree of velocity anisotropy within this sub-
region of the Taurus molecular cloud, we have applied the axis-
constrained PCA method to the 12CO data from this imaging
survey. The precise field is described by the solid box in Figure 3.
We do not consider the 13CO J ¼ 1 0 data, since the signal is
weak from this low column density sector of the cloud. Themean,
local polarization angle, derived from16measurementswithin the
field, is 52" # 10". Assuming that the polarization is induced by
selective absorption of background starlight by magnetically
aligned, elongated dust grains, this angle corresponds to the local
magnetic field direction (Purcell 1979; Draine 2003). Figure 4
shows the variation of the anisotropy indices, !1 and !2, with
position angle (measured east of north) for 12CO data within this
subfield of the Taurus cloud. For!1, which considers the differ-
ences in scaling exponents, the fitted parameters are!0 ¼ 0:49 #
0:03 and !MAX ¼ 41" # 2". For !2, which measures anisotropy
based on the differences of the normalization constants, !0 ¼
0:56 # 0:03 and !MAX ¼ 46" # 2". The angle of maximum an-
isotropy is within 6"–11" of the local magnetic field direction

and the mean position angle of the emission streaks of 12CO
emission. The x- and y-axis structure functions derived at !MAX ¼
46" are shown in Figure 5. These distributions show the same
pattern of offsets between the parallel and perpendicular struc-
ture functions measured in the strong-field simulation snapshots
(B2, B3) shown in Figure 2. For the Taurus field, the power-law
index of the structure function derived from 12CO along the
x-axis (i.e., the direction aligned with the polarization) is steeper
(0:81 # 0:05) than the index of the y-axis structure function
(0:34 # 0:06). The steeper power law along the x-axis is indi-
cative of a velocity field more dominated by large scales. Similar
to the model structure functions in the strong magnetic field
cases, the normalization of the y-axis structure function, v0; y, is
0.08 km s$1 and larger than the value of the x-axis structure func-
tion (v0; x ¼ 0:02 km s$1). Thus, the smooth variation of density
along the presumed magnetic field is mirrored by a smooth vari-
ation in the velocity, and the stronger variation in density in the
perpendicular direction (streakiness) is mirrored by a stronger
variation in the velocity. Indeed, preliminary analysis shows that
in the direction perpendicular to the projected magnetic field,
displacements between the peaks in integrated intensity and ve-
locity centroids are similar with typical values 0.2–0.4 pc.

The results shown in Figures 3, 4, and 5 are suggestive of
velocity anisotropy induced by strong MHD turbulence, as de-
scribed byGS95 and verified by computational simulations (Cho
et al. 2002; Vestuto et al. 2003). We note that the observed spec-
tral slope parallel to the field, "k, is steeper than the value pre-
dicted for incompressibleMHD turbulence byGS95 but is similar
to values derived for the strong-field (B2, B3) simulations. Veloc-
ity anisotropy could be produced by processes other than MHD
turbulence. A systematic flow of material that is ‘‘channeled’’ by
the magnetic field may also generate differences in the parallel
and perpendicular structure functions. Such large-scale gradients
would produce steep spectral indices (" % 1). However, the ob-
served high-frequency variation of velocities perpendicular to
the field is not characteristic of such large-scale shear flows.
Regardless of its origin, the near alignment of the velocity anisot-
ropy with the local magnetic field direction demonstrates the
importance of the interstellar magnetic field to the gas dynamics
within this low-density component of the Taurusmolecular cloud.

Fig. 3.—(Left) Image of 12CO J ¼ 1 0 emission of a subfield within the Taurus molecular cloud integrated over the velocity interval 5.5–7.5 km s$1 and (right)
image of 12CO velocity centroid (Narayanan et al. 2008), with overlay of optical polarization vectors from the compilation by Heiles (2000). The molecular line emis-
sion and velocities exhibit streaks that are aligned along the localmagnetic field direction. The solid line box outlines the area onwhich the axis-constrained PCAmethod is
applied. The dotted-line box shows the area within which the polarization angles are averaged to estimate the mean magnetic field direction.

MAGNETICALLY ALIGNED VELOCITY ANISOTROPY 425No. 1, 2008

Ordered B-field vectors and 
elongated 12CO emission velocity 
centroids in Taurus (Heyer et al. 2008)

Correlation of B-field vectors 
from ~100pc to <1pc scales 
(Hua-bai Li et al. 2009)







           



  

            





 

               

             

  

  



    



     

Comparison with simulated sub-mm 
polarization direction angle (φ) 
dispersion ->
Magnetic fields appear strong: MA <1

Falceta–Gonçalves et al. (2008)



Magnetic Fields

H-B Li et al. (2014), adapted from Crutcher (2012)
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Magnetic Fields
Ambipolar diffusion regulated model can also explain CMF/IMF
(Kunz & Mouschovias 2009).

Ambipolar diffusion regulation can explain star formation 
thresholds at AV~8 mag (McKee 1989).

But turbulence-enhanced ambipolar diffusion (Fatuzzo & 
Adams 2002) or reconnection diffusion (Lazarian et al. 2010) 
could be (more) important.



Strong B-fields in IRDCs
Pillai, Kauffman, Tan, Goldsmith, Carey, Menten (2014)

G11.11
JCMT, 
850μm,
20”

G0.253 - GC “Brick”
CSO, 
350μm,
20”



So, are star formation rates controlled 
by turbulence, magnetic fields or 

something else?
Supersonic turbulence 7

Figure 3. Same as Figure 2, but instead of slices, these show projections (integration along the line of sight) of the three-dimensional

gas density (top panels) and (mass-weighted) vorticity (bottom panels) for solenoidal driving (left-hand column) and compressive driving

(right-hand column). (Movies are available in the online version.)

driving produces a significantly wider density distribution
with a larger standard deviation than solenoidal driving for
the same rms Mach number, which has been explored and
discussed in detail in previous studies (Federrath et al. 2008;
Price et al. 2011; Konstandin et al. 2012a,b).

Previous works suggest that the density PDF should be
approximately log-normal (Vázquez-Semadeni 1994; Padoan
et al. 1997; Passot & Vázquez-Semadeni 1998). Deviations
from perfectly log-normal distributions are caused by inter-
mittency and sampling e↵ects (Kritsuk et al. 2007; Kowal
et al. 2007; Federrath et al. 2010; Price & Federrath 2010;
Konstandin et al. 2012b). Recently, Hopkins (2013b) sug-
gested an intermittency fit for the volume-weighted PDF
with the following function,
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1

(x) is the modified Bessel function of the first kind.
Equation (9) is motivated and explained in detail in Hopkins
(2013b). It contains two parameters, the standard deviation
of logarithmic density variations, �

s

, and an intermittency
parameter ✓. In the zero-intermittency limit ✓ ! 0, Equa-
tion (9) simplifies to a log-normal PDF. Hopkins (2013b)
show that this intermittency form of the PDF provides ex-
cellent fits to density PDFs from turbulence simulations with
extremely di↵erent properties (solenoidal, mixed, and com-
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the axis-constrained PCA eigenfunctions to show a clear signa-
ture of velocity anisotropy induced by MHD turbulence.

4. THE TAURUS MOLECULAR CLOUD

The Taurus molecular cloud provides a valuable platform to in-
vestigate interstellar gas dynamics and the star formation process,
owing to its proximity (140 pc) and the wealth of complementary
data. Narayanan et al. (2008) present newwide-field imaging ob-
servations of 12CO and 13CO J ¼ 1 0 emission from the cen-
tral 100 deg2 of the Taurus cloud complex, obtained with the
FCRAO 14 m telescope. The images identify a low column den-
sity substrate of gas that contains subtle streaks of elevated 12CO
emission aligned along the local magnetic field direction as de-
termined from stellar polarization measurements (Heiles 2000).
Images of 12CO J ¼ 1 0 integrated intensity and centroid ve-
locity with measured polarization vectors from this subfield are
shown in Figure 3. These show a connection between the density
and velocity fields.While the origin of these streaks is unknown,
their rigorous alignment with the polarization vectors strongly
suggests that the interstellar magnetic field plays a prominent
role in the gas dynamics of this low-density material.

To assess the degree of velocity anisotropy within this sub-
region of the Taurus molecular cloud, we have applied the axis-
constrained PCA method to the 12CO data from this imaging
survey. The precise field is described by the solid box in Figure 3.
We do not consider the 13CO J ¼ 1 0 data, since the signal is
weak from this low column density sector of the cloud. Themean,
local polarization angle, derived from16measurementswithin the
field, is 52" # 10". Assuming that the polarization is induced by
selective absorption of background starlight by magnetically
aligned, elongated dust grains, this angle corresponds to the local
magnetic field direction (Purcell 1979; Draine 2003). Figure 4
shows the variation of the anisotropy indices, !1 and !2, with
position angle (measured east of north) for 12CO data within this
subfield of the Taurus cloud. For!1, which considers the differ-
ences in scaling exponents, the fitted parameters are!0 ¼ 0:49 #
0:03 and !MAX ¼ 41" # 2". For !2, which measures anisotropy
based on the differences of the normalization constants, !0 ¼
0:56 # 0:03 and !MAX ¼ 46" # 2". The angle of maximum an-
isotropy is within 6"–11" of the local magnetic field direction

and the mean position angle of the emission streaks of 12CO
emission. The x- and y-axis structure functions derived at !MAX ¼
46" are shown in Figure 5. These distributions show the same
pattern of offsets between the parallel and perpendicular struc-
ture functions measured in the strong-field simulation snapshots
(B2, B3) shown in Figure 2. For the Taurus field, the power-law
index of the structure function derived from 12CO along the
x-axis (i.e., the direction aligned with the polarization) is steeper
(0:81 # 0:05) than the index of the y-axis structure function
(0:34 # 0:06). The steeper power law along the x-axis is indi-
cative of a velocity field more dominated by large scales. Similar
to the model structure functions in the strong magnetic field
cases, the normalization of the y-axis structure function, v0; y, is
0.08 km s$1 and larger than the value of the x-axis structure func-
tion (v0; x ¼ 0:02 km s$1). Thus, the smooth variation of density
along the presumed magnetic field is mirrored by a smooth vari-
ation in the velocity, and the stronger variation in density in the
perpendicular direction (streakiness) is mirrored by a stronger
variation in the velocity. Indeed, preliminary analysis shows that
in the direction perpendicular to the projected magnetic field,
displacements between the peaks in integrated intensity and ve-
locity centroids are similar with typical values 0.2–0.4 pc.

The results shown in Figures 3, 4, and 5 are suggestive of
velocity anisotropy induced by strong MHD turbulence, as de-
scribed byGS95 and verified by computational simulations (Cho
et al. 2002; Vestuto et al. 2003). We note that the observed spec-
tral slope parallel to the field, "k, is steeper than the value pre-
dicted for incompressibleMHD turbulence byGS95 but is similar
to values derived for the strong-field (B2, B3) simulations. Veloc-
ity anisotropy could be produced by processes other than MHD
turbulence. A systematic flow of material that is ‘‘channeled’’ by
the magnetic field may also generate differences in the parallel
and perpendicular structure functions. Such large-scale gradients
would produce steep spectral indices (" % 1). However, the ob-
served high-frequency variation of velocities perpendicular to
the field is not characteristic of such large-scale shear flows.
Regardless of its origin, the near alignment of the velocity anisot-
ropy with the local magnetic field direction demonstrates the
importance of the interstellar magnetic field to the gas dynamics
within this low-density component of the Taurusmolecular cloud.

Fig. 3.—(Left) Image of 12CO J ¼ 1 0 emission of a subfield within the Taurus molecular cloud integrated over the velocity interval 5.5–7.5 km s$1 and (right)
image of 12CO velocity centroid (Narayanan et al. 2008), with overlay of optical polarization vectors from the compilation by Heiles (2000). The molecular line emis-
sion and velocities exhibit streaks that are aligned along the localmagnetic field direction. The solid line box outlines the area onwhich the axis-constrained PCAmethod is
applied. The dotted-line box shows the area within which the polarization angles are averaged to estimate the mean magnetic field direction.
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What is the connection to 
global galactic dynamics?



Global Galaxy Simulations
I. Isolated galaxies



Some Global Isolated Galaxy Simulations
Dobbs (2008); Dobbs & 
Price (2008); Bonnell, 
Dobbs, Smith (2013)

SPH (zoom 
0.16M⦿)

Spiral arm potential, 
B-fields

Sink particles

Hopkins, Quataert, 
Murray (2012); Hopkins 
(2013)

SPH (MW-like:
220M⦿)

Several galaxy 
types, DM, feedback

nth=103cm-3

εff=0.015

Wada, Baba, Saitoh 
(2011); Wada & 
Norman (2007)

SPH (3200M⦿) DM, feedback εff=0.033

Shetty & Ostriker 
(2008, 2012); Ostriker 
& Shetty (2011)

Grid: Zeus/Athena 
2D; global & local

Feedback, fixed 
potential

nth=5x103cm-3

εff=0.01

Agertz et al. (2009, 
2013) [see also Gnedin 
& Kratsov 2011]

AMR: RAMSES, 
6 - 50pc

Fixed NFW potential, 
Feedback

nth=102cm-3

εff=0.01

Renaud et al. (2013) RAMSES, 0.05pc DM, feedback nth=2x103cm-3

εff=0.03

Tasker & Tan (2009); 
Tasker (2011); Van 
Loo, Butler, Tan (2013) 
& Butler et al. (2014)

AMR: ENZO/MG, 
8pc (global), 
0.5-0.1pc (zoom)

Fixed, axisymmetric 
potential; No 
feedback, B-fields

nth=102 -106 cm-3

εff=0.02



Setting up a galactic environment for GMCs
20

kp
c

Tasker & Tan (2009) [see also Wada+; Dobbs+; Shetty & Ostriker; Renaud+]

We find GMCs suffer 
frequent collisions. A typical 
GMC merges every 0.2 
orbital times, i.e. ~20-30Myr.

ENZO AMR 3D Hydro 
Atomic Cooling to 300K, 
8pc resolution

Flat rotation curve, 
axisymmetric fixed 
background potential (old 
stars & DM)

Q=1 (for σ=6km/s) from 
2-10kpc

“GMCs” identified as 
regions with nH>100cm-3

GMC collision rate



Implications of Frequent GMC Collisions

We find GMCs suffer frequent mergers. 
A typical GMC merges every 0.2 orbital times, 
i.e. ~20-30Myr.

1. Frequent mergers can explain the retrograde rotation of GMCs.

2. Frequent mergers can be an important source of turbulence in GMCs.

3. Frequent mergers can confuse virial parameter estimations

4. Frequent mergers redefine the notion of GMC lifetimes.

5. This process could trigger star formation and be the link between global 
galactic dynamics and star cluster formation.

But this scenario does require GMCs to be gravitationally bound and 
relatively long-lived.



20
 k

pc
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Tasker & Tan (2009)

Van Loo, Butler, Tan (2013)

Global: ~20kpc to 8pc Local: 1kpc to ~0.5-0.1pc
Kiloparsec-scale simulations

Enzo - (B=0)
- pseudo-shearing box
- extinction-dependent 
cooling and heating 
functions (Cloudy)
- run for 10 Myr



Tasker & Tan (2009)

rendered nH (cm-3): 102(green) 105 (red)

1 kpc

~100 pc
GMC~1 pc

Clump -> star cluster
Van Loo, Butler, Tan (2013)
Butler, Tan, Van Loo (2014)
Van Loo et al. in prep.

10 kpc



length
(pc)

mass
(105M¤)

m/l
(103M¤/pc)

dv/dr
(km/s/pc)

Jackson et 
al. (2010) 80 4 ~0.5(vir) <0.09
Battersby & 
Bally (2012) 80 0.3-2 0.4-2.5 <0.05
Ragan et al. 
(2014) 110 0.09 0.08 0.06

A challenge for turbulence/feedback models?

Regular 
clump 
spacing 
~4pc

Long Filaments

mean of 7 
filaments

~100 pc!



High Resolution (0.1pc) Hydro Results Butler, Tan, Van Loo 
(submitted; arXiv)



in-plane view
Σ

in-plane view
Σ

top view
Σ

Dense filaments in simulations with no 

magnetic fields are undergoing rapid global 

collapse and infall. They show very 

disordered kinematics, inconsistent with 

observed IRDC filaments (Butler et al. 2014).



Effects of Magnetic Fields

3

Fig. 1.— Logarithmic mass surface density in g cm�2 (top) and logarithmic mass-weighted temperature in K (bottom) integrated along
the z-axis for the initial conditions, 0µG, 10µG and 80µG (from left to right) for models with star formation after evolution for 10 Myr.
The lines indicate the projected direction of the mass-weighted magnetic field and the black dots the position of star particle clusters. The
boxes in the second top panel show di↵erent “region” (yellow) and “cloud” (white) selections.

of ⇠ 500 change in the typical cloud mass comparing the
10 and 80 µG cases, which is seen in the values of the
mean cloud masses.

3.2. Volume Density and Column Density Distributions

We also quantify ISM structure by examining the prob-
ability distribution functions (PDFs) of gas mass surface
density, ⌃g (as viewed from above the disk) and volume
density, nH. Figure 3 shows these quantities weight by
area/volume (top row) and by mass (bottom row). The ⌃
PDF is directly observable feature of clouds and galaxies,
while the volume density PDF needs to be reconstructed
using di↵erent techniques (e.g., Kainulainen et al. 2014)
The ⌃ PDFs show the typical combination of a log-

normal distribution with a power-law distribution at
high surface densities (e.g. Kainulainen et al. 2009).
The transition occurs around 10�2 g cm�2, which cor-
responds to the minimum surface density of regions con-
taining “cloud” gas, which is essentially all part of self-
gravitating structures. The power-law distribution dif-
fers slightly between individual regions but roughly goes
as ⌃

�↵⌃,PDF
g with ↵⌃,PDF ' 1 for the area-weighted

PDF. Somewhat steeper indices have been reported in
dust-emission-derived ⌃ PDFs by Schneider et al. (2014),
while some extinction-based studies found PDFs that can
be fit by a single log-normal (Butler et al. 2014).
However, little di↵erence is seen between the di↵erent

magnetic field models although there is a clear di↵erence
in the fragmentation of the clouds seen in Fig. 1. The
same can be seen in the volume density PDF. For densi-
ties above 100 cm�3, i.e., the cloud gas, the distribution
follows a power-law distribution. The power-law index
di↵ers minimally between di↵erent regions but no clear
distinction is seen as function of the magnetic field.

3.3. Time Evolution of Dense Gas Mass Fractions and
SFRs

The surface density plots and the PDFs (Figs 1-3) show
that, while the global structure of the clouds is only mod-
erately a↵ected by the magnetic field, the substructure
of the clouds is considerably di↵erent. The e↵ect of the
magnetic field is thus more local and this can be seen
in the evolution of the cloud and clump mass fraction.
On the one hand, the cloud mass fraction roughly re-
mains constant as a function of time and magnetic field
strength, both when evaluated in the full domain as in
Region 1 and 2. The gas within the molecular clouds is
thus self-gravitating. On the other hand, the clump mass
fraction shows a delay in the formation of clumps as the
magnetic field becomes more important (see Fig. 4). The
clump mass then reaches a constant value as an energy
balance between kinetic, thermal, magnetic and poten-
tial energy is established within the cloud. The clump-
to-cloud mass ratio then remains a constant. Note that
the formation of clumps is a response to the initial con-
ditions of the simulation, where dense, self-gravitating
clouds are allowed to collapse to high densities as the
resolution is suddenly increased.
Our assumption is that star particles only form from

clump gas (nH > 105 cm�3), and so SFR(t) tracks clump
mass fraction evolution (Figure 4). Note that, once
formed, star particles contribute gravitationally, but stel-
lar feedback, the implementation of which is much more
uncertain and numerically challenging, is not yet in-
cluded in the simulation. An increase in the magnetic
field strength generally slows down the star formation
rate, although its influence varies from region to region,
depending on the initial conditions of particular regions
and whether GMCs there are magnetically sub or super-
critical. Over time, depletion of dense gas into stars can

Initial Condition t = 10 Myr

B=0 μG B=10 μG B=80 μG

Van Loo, Tan, Falle, in prep.
see also Pakmor, Marinacci & Springel (2014) 



Effects of Feedback
e.g., Walch et al.: SILCC



Global Galaxy Simulations
II. Cosmological zoom-in



Select cosmological volume to yield galaxy 
of given type, e.g. “MW-like”
(e.g., Steinmetz & Muller 1995; Navarro & Steinmetz 1997; Abadi et al. 2003; 
Governato et al. 2007; Agertz et al. 2011; Guedes et al. 2011) 

Over-cooling problem 
- too efficient star formation at early times

Angular momentum catastrophe 
- ang. mom. loss during mergers, via dynamical friction: 
disks too small.

Problems “solved/addressed” by increased resolution and 
improved sub-grid models for star formation & feedback, 
including supernova, ionization and radiation pressure
(e.g., Murray et al. 2010; Hopkins et al. 2011; Brook et al. 2012; Stinson et al. 2013)



Radiative feedback & galactic disks
Radiative feedback in disc galaxy formation 2849

Figure 11. Composite colour images of the stars at z = 0 constructed by using the K, B and U magnitude maps as the R, G and B image channels, respectively.
The magnitudes are calculated using the Padova Simple stellar populations (SSPs) from Marigo et al. (2008).

Figure 12. Radial profiles for all the simulations in the suite at z = 0. From left to right, the panels are showing: stellar surface density !∗; the circular velocity
vcirc; the ratio of mean stellar tangential velocity Vrot and stellar velocity dispersion σ ; the zrms, where z is the particle vertical position with respect to the disc
mid-plane, as a model-independent proxy for the thickness of the stellar distribution. In the third panel, the solid lines are calculated using all particles, while
we only use stars younger than 3 Gyr for the dashed lines. The black dashed and dotted lines are showing the Vrot/σ for MW young and old stars, respectively.

(e.g. the Eris simulation) form systems with B/T > 0.2. Leitner
(2012) stress that delaying SF in late-type systems until z < 2 is
critical for resolving this issue, and indeed this seems to have been
the case in both SPH-based simulations (Brook et al. 2011) and
AMR-based simulations (Agertz et al. 2011). While our κ = 0
run shows only a minor shift in the formation time, the radiative
feedback models successfully attenuate the early z > 2 SF (Fig. 4).
However, the same process (radiative feedback) that shifts the bulk

of SF towards late times, contributes directly to the formation of
the kinematically hot component. Paradoxically, the run without
any feedback yields the most rotationally supported disc structure
and a comparatively low fraction of its stars are trapped in the low
angular momentum component. Note that this finding is seemingly
in contradiction to most previous investigations (with the exception
of the AMR simulations in Agertz et al. 2011 based on a low SFE
ϵ∗ ≃ 0.01), which typically find that feedback is needed to create
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Strong radiative feedback (sub-grid scheme) can suppress 
early SF and eject sufficient baryons, but at the expense of 
thin-disk morphology.

2844 R. Roškar et al.

Figure 4. SFHs for stars found within 20 kpc of the centre at z = 0. The
shaded blue area shows the SFR for 10.4 < log (M∗/M⊙) <10.6 from
Leitner (2012).

Ultimately, subgrid implementations of radiation pressure must
be compared on the basis of how much momentum is generated in
a single SF event as a function of environment, and to what extent
this drives galactic scale outflows. As we have shown in Section 3.1,
our implementation very efficiently converts the available energy
into gas momentum via radiation pressure.

4 R ESULTS

Here, we describe the basic outcomes of our radiative feedback
simulations. We begin by discussing the effects of radiative feed-
back on baryonic mass assembly, followed in later sections with
increasingly detailed diagnostics of final gas and stellar properties,
disc structure and the IGM.

4.1 SF histories

Recently, a great deal of effort has been made in cosmological
galaxy formation simulations to suppress efficient SF at high red-
shifts. When the early SFR is stifled, the formation of massive stellar
spheroids is halted in their infancy (Agertz et al. 2011; Brook et al.
2011). One method that has been shown to work well in SPH-based
schemes is based on limiting the ‘sites’ of SF to only the high-
est density regions (Governato et al. 2010). The result is that SF is
highly localized, resulting in a more vigorous injection of SN energy
into the surrounding ISM. This enables the SN feedback to more
efficiently modulate the SFR, thereby suppressing the formation of
star-heavy protogalaxies and preserving the gas for the formation
of extended structures later in the evolution.

The simulations in our suite resolve structures down to !xmin

≃ 160 pc, and the stars form in gas cells with densities above the
resolvable density limit of ρJ ≃ 2.4 H cm−3 (see Section 2.3). In
Fig. 4, we show the star formation histories (SFHs) for all of the
runs in the suite. The SN-only run shows that even in the absence of
radiative feedback, our SN feedback scheme is efficient at shifting
the bulk of SF to a later time and somewhat lowering its peak.

The inclusion of radiative feedback affects the star-forming re-
gions much more drastically than the SN feedback alone, which is
apparent in the further suppression of high-z SF. The var. κ and

Figure 5. Cumulative stellar mass as a function of time. Grey-scale lines
represent runs with different fixed values of κ , as indicated by the values
on the right-hand side of the figure. The blue shaded region shows the data
from Leitner (2012).

κ = 5 runs come close to the observational relations (the shaded
blue area shows the observationally constrained SFH from Leitner
2012), until z ∼ 0.5. At lower redshifts, the SFRs are elevated due
to the previously expelled material re-accreting to the centre, where
the potential well is now deep enough to prevent permanent expul-
sion. The two higher κ cases are much too efficient at shutting down
SF after z ∼ 1.5. Note that we show the Leitner (2012) data for a
range of stellar masses. These correspond to the expected stellar
mass given our halo mass and the SMHM relation from Moster,
Naab & White (2013).

In Fig. 5, we show the cumulative mass assembly history of the
stars found in our central galaxy at z = 0. The latter is defined as the
entire region within 0.1r200. Coloured lines show the no-feedback,
SN-only and var. κ runs, while the grey lines show the various fixed-
κ runs. The shades of grey correspond to the opacity values shown
in the colour bar, while the blue shaded region shows the results
from Leitner (2012). The immediate impact of radiative feedback
on the production efficiency of stars is evident, especially at early
times. The SN feedback alone results in factor 2 fewer stars by
z = 2, though because the gas is not successfully ejected from the
halo it can be recycled and the overall stellar mass of the κ = 0 run
at z = 0 is nearly identical to the run without any feedback at all.
Increasing amounts of radiative feedback facilitate the expulsion of
more baryons, thus resulting in an overall decrease in the amount of
stars formed. Importantly, the assembly time (defined as the moment
when half of the stellar mass is in place) is shifted to later times, in
principle allowing for a more extended stellar structure to form.

4.2 SMHM relation

The statistical SMHM relation (e.g. Conroy & Wechsler 2009;
Behroozi, Wechsler & Conroy 2013; Moster et al. 2013) links the
observed stellar mass content of galaxies to theoretical dark matter
halo masses. It therefore provides a crucial check on the baryonic
physics included in simulations and specifically on the resulting
efficiency of feedback mechanisms.

In Fig. 6, we show the ratio of stellar mass to halo mass (SMHM)
as a function of halo mass for the runs in our suite. The dashed black
line and the grey area show the mean relation and the 1σ error from
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Example of Arp 220
Kennicutt 1998
d ~= 75 Mpc

D = 2”
r = 365 pc

Mgas = 2.4 × 1010 M¤

Σgas = 5.8 × 104 M¤ pc-2 
LIR = 2.3 × 1012 L¤

SFR = 400 M¤ yr-1

ΣSFR = 0.95 × 103 M¤ yr-1 kpc-2

vcirc = 370 km/s
τdyn = 6 × 106 yr

From Nick Scoville

40 pc
2 × 109 M¤

4.0 × 105 M¤ pc-2 
1 × 1012 L¤

170 M¤ yr-1

35 × 103 M¤ yr-1 kpc-2

Wilson et al. 2014

(100, ~70) pc
(1.1, 1.3) × 109 M¤

(0.54, 1.4) × 105 M¤ pc-2 
(0.05, 0.6) × 1012 L¤

(9, 100) M¤ yr-1

(0.3, 6.5) × 103 M¤ yr-1 kpc-2

Maximal starbursts due to 
radiation pressure?
(Scoville 2003; Thompson et al. 2005)

In the optically thick limit, the effective temperature is given
by

!SBT
4
eA ¼ 1

2 "!̇?c
2; ð24Þ

where the factor of 1
2 arises because both the top and bottom

surfaces of the disk radiate. The midplane temperature is related
to the effective temperature by T 4 $ 3

4 #VT
4
eA, where the opacity

$(T ; %) in #V should be evaluated using the central temperature
and mass density of the disk. The temperature dependence of
the opacity is important for this problem and is discussed in the
next section. For now we simply normalize $ to 1 cm2 g%1.

For #V k 1, the radiation pressure is given by

prad ¼
4!SB

3c
T 4 ¼ !SB

c
#VT

4
eA ¼ 1

2
#V "!̇?c: ð25Þ

Comparing equations (15) and (25) shows that radiation pressure
exceeds the turbulent pressure due to supernovae by a factor of
&#V (assuming & & 1 for the reasons given in x 2.1). Radiation
pressure support will thus dominate the vertical support of com-
pact optically thick starbursts. The exact surface density (or #V)
at which the transition to radiation pressure support occurs is
somewhat uncertain and requires a better understanding of
the pressure support provided by supernovae, stellar winds, etc.
We will explore this in more detail in future work.

With equation (25) it is again straightforward to solve for
the disk’s physical parameters, T, Teff, !̇?, etc., in terms of our
model variables: !, fg, ", and the radius in the disk r. The mid-
plane temperature of the disk is

T ¼ fg!2

r

! "1=2
3cQ

27=2'G!SB

! "1=4

& 41!200 f
1=2
g0:5

r
%1=2
kpc Q1=4 K;

ð26Þ

and the effective temperature is

TeA ¼ fg!2

r

cQffiffiffi
2

p
$!SB

! "1=4

& 70!1=2
200 f

1=4
g0:5

r
%1=4
kpc $%1=4

1 Q1=4 K:

ð27Þ

For our fiducial numbers, Teff is somewhat larger than T, im-
plying that the vertical optical depth is less than unity. Our as-
sumption that the disk is optically thick in the far-IR (FIR) is
therefore only marginally applicable on kiloparsec scales. It is an
increasingly better assumption on smaller scales (see eqs. [22]
and [23]).

The total star formation rate per unit area required to support
the disk with radiation pressure is

!̇? ¼
ffiffiffi
2

p
fgQ

"$c

!2

r
& 400 fg0:5!

2
200Qr

%1
kpc$

%1
1 "%1

3 M' yr%1 kpc%2:

ð28Þ

Integrating, we derive the total star formation rate:

Ṁ? ¼
23=2'fgQ!2r

"$c
& 3000fg0:5!

2
200rkpcQ"

%1
3 $%1

1 M' yr%1:

ð29Þ

Note that if the disk is optically thick (2#V & 1), the observed
flux is only from half of the disk and therefore the observa-
tionally inferred star formation rate would be one-half of the
true total star formation rate (given in eqs. [28] and [29]).

The star formation efficiency ( is

( ¼ 'GQ

$"c

r

!
& 1rkpc!

%1
200"

%1
3 $%1

1 Q: ð30Þ

For r P R#V¼1 we see that ( is <1. It follows that the disk can
adjust to maintain Q & 1 on subkiloparsec scales. In addition,
we find that the ratio of the cooling timescale to the orbital time-
scale is much less than unity, so the disk should self-regulate
to maintain Q & 1 (see Appendix B).

Finally, the surface brightness of the disk viewed face-on is

F ¼ fgQcffiffiffi
2

p
$

!2

r
& 3 ; 1012fg0:5!

2
200 r

%1
kpcQ$

%1
1 L' kpc%2; ð31Þ

and the total luminosity for a single side of the disk is

L ¼
ffiffiffi
2

p
'fgQcr!2

$
& 2 ; 1013fg0:5!

2
200rkpcQ$

%1
1 L': ð32Þ

Equations (27)–(32) show that the observable properties
of the disk depend sensitively on the magnitude of the opacity.
In particular, the star formation rate per unit area is propor-
tional to !2

g /#V & !g /$ (eq. [28]). Therefore, in regions of the
disk where the opacity is low, there must be more star formation
to maintain Q & 1. Conversely, where the optical depth is high,
less star formation is required. The functional dependence of
!̇? in the optically thick limit should be compared with equa-
tion (16), which shows that in the optically thin limit !̇? / !2

g .
Therefore, the ‘‘Schmidt law’’ for star formation changes in the
dense optically thick inner regions of starburst galaxies.

Equation (31) can be rewritten as

L

M
¼ F

!tot
¼ 'QGcfgffiffiffi

2
p

$
¼ 2'Gc

$

h

r
& 103

fg0:5Q

$1
L' M%1

' : ð33Þ

The third equality above is the classical Eddington limit, modi-
fied by the factor (h/r) / fg, and with the Rosseland mean opac-
ity taking the place of the usual electron scattering opacity.8

This way of expressing the flux highlights the fact that each disk
annulus radiates at its local Eddington limit. The value derived
here for the luminosity per unit mass from the disk is similar to
that estimated by Scoville (2003), who argues that this limit is
observed in both young star clusters such as M51 and ULIRGs
such as Arp 220 (see also Scoville et al. 2001). Note that for a
given gas fraction, the mass-to-light ratio is proportional to the
dust opacity and is therefore metallicity dependent.

2.3. Opacity Dependence

Figure 1 shows the Rosseland mean opacity as a function
of temperature for several densities using the publicly avail-
able opacities of Semenov et al. (2003) and Bell & Lin (1994).
There are two important features. First, for temperatures T P
100 200 K, the opacity is essentially independent of den-
sity and can be approximated by $ ¼ $0T

2, with $0 ’ 2:4 ;
10%4 cm2 g%1 K%2. The scaling of $ with T 2 follows from the
fact that the dust absorption cross section scales as k%) with

8 The factor 2' rather than the more standard 4' in eq. (33) is because the
luminosity in eq. (32) is only from one-half of the disk.

STARBURST DISKS AND AGN FUELING 171No. 1, 2005

In the optically thick limit, the effective temperature is given
by

!SBT
4
eA ¼ 1

2 "!̇?c
2; ð24Þ

where the factor of 1
2 arises because both the top and bottom

surfaces of the disk radiate. The midplane temperature is related
to the effective temperature by T 4 $ 3

4 #VT
4
eA, where the opacity

$(T ; %) in #V should be evaluated using the central temperature
and mass density of the disk. The temperature dependence of
the opacity is important for this problem and is discussed in the
next section. For now we simply normalize $ to 1 cm2 g%1.

For #V k 1, the radiation pressure is given by

prad ¼
4!SB

3c
T 4 ¼ !SB

c
#VT

4
eA ¼ 1

2
#V "!̇?c: ð25Þ

Comparing equations (15) and (25) shows that radiation pressure
exceeds the turbulent pressure due to supernovae by a factor of
&#V (assuming & & 1 for the reasons given in x 2.1). Radiation
pressure support will thus dominate the vertical support of com-
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For our fiducial numbers, Teff is somewhat larger than T, im-
plying that the vertical optical depth is less than unity. Our as-
sumption that the disk is optically thick in the far-IR (FIR) is
therefore only marginally applicable on kiloparsec scales. It is an
increasingly better assumption on smaller scales (see eqs. [22]
and [23]).

The total star formation rate per unit area required to support
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Ṁ? ¼
23=2'fgQ!2r

"$c
& 3000fg0:5!

2
200rkpcQ"

%1
3 $%1

1 M' yr%1:

ð29Þ

Note that if the disk is optically thick (2#V & 1), the observed
flux is only from half of the disk and therefore the observa-
tionally inferred star formation rate would be one-half of the
true total star formation rate (given in eqs. [28] and [29]).

The star formation efficiency ( is
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For r P R#V¼1 we see that ( is <1. It follows that the disk can
adjust to maintain Q & 1 on subkiloparsec scales. In addition,
we find that the ratio of the cooling timescale to the orbital time-
scale is much less than unity, so the disk should self-regulate
to maintain Q & 1 (see Appendix B).
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Equations (27)–(32) show that the observable properties
of the disk depend sensitively on the magnitude of the opacity.
In particular, the star formation rate per unit area is propor-
tional to !2

g /#V & !g /$ (eq. [28]). Therefore, in regions of the
disk where the opacity is low, there must be more star formation
to maintain Q & 1. Conversely, where the optical depth is high,
less star formation is required. The functional dependence of
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The third equality above is the classical Eddington limit, modi-
fied by the factor (h/r) / fg, and with the Rosseland mean opac-
ity taking the place of the usual electron scattering opacity.8

This way of expressing the flux highlights the fact that each disk
annulus radiates at its local Eddington limit. The value derived
here for the luminosity per unit mass from the disk is similar to
that estimated by Scoville (2003), who argues that this limit is
observed in both young star clusters such as M51 and ULIRGs
such as Arp 220 (see also Scoville et al. 2001). Note that for a
given gas fraction, the mass-to-light ratio is proportional to the
dust opacity and is therefore metallicity dependent.

2.3. Opacity Dependence

Figure 1 shows the Rosseland mean opacity as a function
of temperature for several densities using the publicly avail-
able opacities of Semenov et al. (2003) and Bell & Lin (1994).
There are two important features. First, for temperatures T P
100 200 K, the opacity is essentially independent of den-
sity and can be approximated by $ ¼ $0T
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10%4 cm2 g%1 K%2. The scaling of $ with T 2 follows from the
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Extreme Environments: Low metallicity regions

time (in Gyr) is given by log tH2
dep

! "
~1:8+0:6. This is much larger than

the typical depletion time at sub-kpc scales of local spirals or dwarfs
with oxygen abundance above 20% solar, which is about log tH2

dep

! "
~

0:3 (refs 3, 4). Therefore star formation is strongly suppressed in the
clumps, whether the star formation is scaled by total gas mass or by
molecular gas mass alone.

Although models1,2,4 of metallicity-regulated star formation predict
significantly reduced SFEs at our metallicities, as illustrated in Fig. 3, the
gas in the models is nevertheless mainly atomic, in contrast with our
findings. The low SFE in the model1,2,4 is caused by greatly reduced for-
mation of molecular gas on the surface of dust grains2 or may possibly
be tied to enhanced heating of the atomic gas1,4. On the other hand, if
we increase the depletion time of molecular gas in the models by an order
of magnitude to ,20 Gyr, the gas in the model1,2,4 is still mostly atomic
at our observed gas densities. Studies25 of H I dominated (by assuming
low molecular gas fractions) dwarf galaxies suggest that their SFEs are
not significantly lower than spiral galaxies. Our results extend these pre-
vious findings to lower metallicity, and suggest high molecular gas frac-
tions do exist in star-forming clumps of extremely low metallicity.

The nature of this excess dust-based gas mass is still unclear. This gas
is most likely to be in the molecular phase, as the cold H I should be
detected by 21 cm observations. If it is cold molecular gas, there should
be associated CO emission. Extended Data Table 6 lists the predicted
CO flux for these metal poor star-forming clumps assuming the CO-
to-H2 factor (a) to be 500 M[ pc22 (K km s21)21, which is appropriate
for regions of such low metallicity. It should be noted however, that
there is large uncertainty in this value6. Region ‘sf-3’ in Sextans A does
indeed have millimetre-wave observations26. Accounting for a filling
factor of one third of dust emission in the CO beam, we estimate a 3s
upper limit to the CO flux that is about a factor of three above our pre-
dicted value. Therefore much deeper millimetre observations would be
needed to detect the CO emission from the excess cold molecular gas in
Sextans A. It is unclear what mechanisms prevent this abundant molecular

gas from forming new stars. It is possible that the molecular gas does
not effectively cool due to intense radiation fields, slowing the SFRs
in these environments. Warm H2 gas with surface densities as high as
50 M[ pc22 is seen in some blue compact dwarfs27. Although our two
galaxies are not blue compact dwarfs, the SFR surface densities of the
star-forming regions in our galaxies are comparable to those found in
such dwarfs. This similarity suggests the possible presence of abund-
ant warm H2 in our two extremely metal poor galaxies. Extended Data
Table 6 also lists the predicted H2 S(1) 17.03mm line flux based on the
example of Mrk 99627. There are archived Spitzer spectroscopic obser-
vations of the region ‘sf-3’ of Sextans A. Based on the archived reduced
data, after accounting for the difference between the Spitzer aperture
and the size of our ‘sf-3’, the observed H2 17.03 mm flux is about 4 3
10216 W m22, a factor of two lower than our predicted value.

The extremely metal poor galaxies may provide a close-up view of
the highly inefficient star formation occurring in galaxies in the early
Universe where population II stars formed out of gas whose metallicity
was 1/10 solar or less14. The suppressed SFEs in extremely low metalli-
city galaxies at early epochs may be able to reconcile some tensions bet-
ween observations and theoretical models for early galaxy evolution28.

Online Content Methods, along with any additional Extended Data display items
andSourceData, are available in the online version of the paper; references unique
to these sections appear only in the online paper.
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Figure 3 | Seven metal poor star-forming clumps show extremely low star
formation efficiencies. Squares, data for Sextans A (7% solar metallicity,
region radius 0.15 kpc); circles, data for ESO 146-G14 (9% solar metallicity,
region radius ,1 kpc). Our data with 1s errors (filled symbols for dust-based
total gas mass, while open symbols are for atomic gas only), were compared to
spiral disks at sub-kpc scales3 (colour contours), and integrated spirals and
mergers24 (black lines) in the plane of the SFR versus gas surface densities. The
green solid and dashed lines represent predictions of the model2 at 8% solar
metallicity and a clumping factor of 1, and the model4 at 8% solar metallicity.
Dotted lines indicate constant SFEs (in yr21) of, from top to bottom, 1029,
10210, 10211, 10212.
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Inefficient star formation in extremely metal
poor galaxies
Yong Shi1,2, Lee Armus3, George Helou3, Sabrina Stierwalt4, Yu Gao5,6, Junzhi Wang7, Zhi-Yu Zhang8 & Qiusheng Gu1,2

The first galaxies contain stars born out of gas with few or no ‘metals’
(that is, elements heavier than helium). The lack of metals is expected
to inhibit efficient gas cooling and star formation1,2, but this effect
has yet to be observed in galaxies with an oxygen abundance (relative
to hydrogen) below a tenth of that of the Sun2–4. Extremely metal poor
nearby galaxies may be our best local laboratories for studying in
detail the conditions that prevailed in low metallicity galaxies at early
epochs. Carbon monoxide emission is unreliable as a tracer of gas at
low metallicities5–7, and while dust has been used to trace gas in low-
metallicity galaxies5,8–10, low spatial resolution in the far-infrared has
typically led to large uncertainties9,10. Here we report spatially resolved
infrared observations of two galaxies with oxygen abundances below
ten per cent of the solar value, and show that stars formed very inef-
ficiently in seven star-forming clumps in these galaxies. The efficien-
cies are less than a tenth of those found in normal, metal rich galaxies
today, suggesting that star formation may have been very inefficient
in the early Universe.

The two galaxies that are the focus of this study are Sextans A, a dwarf
irregular at a distance of 1.4 Mpc with an oxygen abundance of 7% of
the solar value11,12, and ESO 146-G14, a low-surface-brightness galaxy
at 22.5 Mpc with a 9% solar oxygen abundance11,13. Their metallicities
may be similar to that of the gas out of which population II stars formed
in the early Universe at redshifts around 7 to 12 (ref. 14). An effective
way to estimate the total gas content in extremely metal poor galaxies
is to employ spatially resolved maps of the far-infrared-emitting dust
as tracers of the atomic and molecular gas; this may be done by multi-
plying the dust mass by an appropriate gas-to-dust ratio (GDR) that is
inferred from regions with little or no active star formation, a method-
ology that has been extensively demonstrated in relatively metal rich
galaxies7,15.

The infrared observations described here were carried out at wave-
lengths of 70, 160, 250, 350 and 500mm with the Photodetector Array
Camera and Spectrometer (PACS)16 and the Spectral and Photometric
Imaging REceiver (SPIRE)17 on board the Herschel Space Observatory.
We complement our far-infrared data with mid-infrared images from
the Spitzer Space Telescope to construct the full infrared spectral energy
distributions (SEDs). Far-ultraviolet images from the GALEX Space
Telescope archive are used to trace un-obscured star formation. Maps
of atomic gas are available in the literature for Sextans A18 and ESO 146-
G1419.

Figure 1 shows multi-wavelength images of our sample galaxies. We
defined the star-forming disk as an ellipse to closely follow the 10s
(,26 AB mag per arcsec2) contour of the far-ultraviolet emission, as
shown in Fig. 1 and listed in Table 1. Individual star-forming clumps
within the disk are identified as circled regions with elevated (.3s) emis-
sion relative to local disk backgrounds in both far-ultraviolet and 160mm
bands after smoothing images to 28 arcsec resolution. The diffuse emis-
sion is measured by subtracting the total emission of all star-forming
clumps in the disk from the integrated disk emission. For Sextans A, we
also identified several individual diffuse regions that show extended emis-
sion in the 70 and 160mm bands but with surface brightness below 3s
of local disk backgrounds. In order to derive the dust mass, including
both diffuse and clumped components, we fitted the infrared SED with
a standard dust model20. The best-fit SEDs are shown in Fig. 2, and de-
rived dust masses are listed in Table 1.

With spatially resolved dust and H I maps, the total gas masses of in-
dividual star-forming clumps can be derived by multiplying their dust
masses with the appropriate GDR based on regions with little or no star
formation. As is usually done for nearby galaxies7,15, the GDR in the star-
forming clumps is taken as the ratio of atomic gas to dust in the diffuse
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Figure 1 | False-colour, multi-wavelength images of our sample galaxies.
a, Images of Sextans A: red, the sum of Herschel 160 and 250mm data;
green, GALEX far-ultraviolet; blue, radio 21 cm data. The star-forming disk is
defined as the large circle. The small white circles indicate individual dusty

star-forming clumps, while small yellow dashed ellipses indicate individual
diffuse regions. b, Images of ESO 146-G14; colours as a. The disk is indicated
as the large ellipse while individual star-forming clumps are shown as
small circles.
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plying the dust mass by an appropriate gas-to-dust ratio (GDR) that is
inferred from regions with little or no active star formation, a method-
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Telescope archive are used to trace un-obscured star formation. Maps
of atomic gas are available in the literature for Sextans A18 and ESO 146-
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defined the star-forming disk as an ellipse to closely follow the 10s
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shown in Fig. 1 and listed in Table 1. Individual star-forming clumps
within the disk are identified as circled regions with elevated (.3s) emis-
sion relative to local disk backgrounds in both far-ultraviolet and 160mm
bands after smoothing images to 28 arcsec resolution. The diffuse emis-
sion is measured by subtracting the total emission of all star-forming
clumps in the disk from the integrated disk emission. For Sextans A, we
also identified several individual diffuse regions that show extended emis-
sion in the 70 and 160mm bands but with surface brightness below 3s
of local disk backgrounds. In order to derive the dust mass, including
both diffuse and clumped components, we fitted the infrared SED with
a standard dust model20. The best-fit SEDs are shown in Fig. 2, and de-
rived dust masses are listed in Table 1.

With spatially resolved dust and H I maps, the total gas masses of in-
dividual star-forming clumps can be derived by multiplying their dust
masses with the appropriate GDR based on regions with little or no star
formation. As is usually done for nearby galaxies7,15, the GDR in the star-
forming clumps is taken as the ratio of atomic gas to dust in the diffuse
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Figure 1 | False-colour, multi-wavelength images of our sample galaxies.
a, Images of Sextans A: red, the sum of Herschel 160 and 250mm data;
green, GALEX far-ultraviolet; blue, radio 21 cm data. The star-forming disk is
defined as the large circle. The small white circles indicate individual dusty

star-forming clumps, while small yellow dashed ellipses indicate individual
diffuse regions. b, Images of ESO 146-G14; colours as a. The disk is indicated
as the large ellipse while individual star-forming clumps are shown as
small circles.
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Galaxy Population Formation Simulations

e.g., Illustris Simulation, ~(100Mpc)3, Vogelsberger et al. (2014)
Large cosmological volumes:



Galaxy Formation Simulations/Models

e.g., Illustris Simulation, Vogelsberger et al. (2014)

Included physics:
- primordial and metal-line 
cooling with self-shielding 
corrections 
- stellar evolution
- stellar feedback
- gas recycling
- chemical enrichment
- supermassive black hole 
growth
- AGN feedback 

Compare with:
- cosmic SFR density
- galaxy luminosity function 
- Ωbaryon at z = 0
- galaxy morphologies with 
environment
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Conclusions: The Role of Star Formation on Galaxy Evolution

Stars form from Gas Stars form from Molecular Gas
Stars form from Magnetically Moderately Supercritical Molecular 
Gas at AV>10, mediated by Alfvénic or sub-Alfvénic turbulence and 
dynamically important large-scale B-fields.
Star formation localized in ~parsec-sized star clusters but knows 
about global disk timescales. Shear mediated GMC collisions?

Star formation is complex and we struggle to understand even nearby 
systems: Initial Conditions; Dependence on Sub-Grid Models; 
Connection to Observables.
Pop III Star Formation has well-defined initial conditions. Latest 
results suggest very first stars (Pop III.1) are massive ~10-100M¤, but 
precise prediction is difficult and hard to test. Accurate modeling of 
subsequent generations is even more challenging (hopeless until we 
have better observational constraints?)
Disk Galaxy Star Formation is increasingly well observed, e.g., GMCs 
in nearby galaxies. Understanding the SFR, IMF and role of feedback 
are key problems.
Elements of sub-grid models: SFR are low: εff ~ 0.01 above a 
threshold density

Important to have observable simple test cases, spanning a range of 
environments: low metallicity; galactic centers; starbursts...


